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• Binary inspiral  

—> GW ( min) 

• GRB jets  

—> gamma-ray (  sec) 

• Jet-ISM interaction  

→ radio, optical, X-ray (  hour - day) 

• Merger Ejecta  

—> optical (  day) 
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BNS mergers as Multi-messenger sources
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with specific stellar populations). Because merger counterparts
are predicted to be faint, obtaining a spectroscopic redshift
is challenging (cf. Rowlinson et al. 2010), in which case
spectroscopy of the host galaxy is the most promising means
of obtaining the event redshift.

It is important to distinguish two general strategies for con-
necting EM and GW events. One approach is to search for a
GW signal following an EM trigger, either in real time or at
a post-processing stage (e.g., Finn et al. 1999; Mohanty et al.
2004). This is particularly promising for counterparts predicted
to occur in temporal coincidence with the GW chirp, such as
short-duration gamma-ray bursts (SGRBs). Unfortunately, most
other promising counterparts (none of which have yet been
independently identified) occur hours to months after coales-
cence.6 Thus, the predicted arrival time of the GW signal will
remain uncertain, in which case the additional sensitivity gained
from this information is significantly reduced. For instance, if
the time of merger is known only to within an uncertainty of
∼ hours (weeks), as we will show is the case for optical (radio)
counterparts, then the number of trial GW templates that must
be searched is larger by a factor ∼104–106 than if the merger
time is known to within seconds, as in the case of SGRBs.

A second approach, which is the primary focus of this paper,
is EM follow-up of GW triggers. A potential advantage in this
case is that counterpart searches are restricted to the nearby
universe, as determined by the ALIGO/Virgo sensitivity range
(redshift z ! 0.05–0.1). On the other hand, the large error
regions are a significant challenge, which are estimated to be
tens of square degrees even for optimistic configurations of GW
detectors (e.g., Gürsel & Tinto 1989; Fairhurst 2009; Wen &
Chen 2010; Nissanke et al. 2011). Although it has been argued
that this difficulty may be alleviated if the search is restricted
to galaxies within 200 Mpc (Nuttall & Sutton 2010), we stress
that the number of galaxies with L " 0.1 L∗ (typical of SGRB
host galaxies; Berger 2009, 2011) within an expected GW error
region is ∼400, large enough to negate this advantage for most
search strategies. In principle the number of candidate galaxies
could be reduced if the distance can be constrained from the
GW signal; however, distance estimates for individual events
are rather uncertain, especially at that low of S/Ns that will
characterize most detections (Nissanke et al. 2010). Moreover,
current galaxy catalogs are incomplete within the ALIGO/Virgo
volume, especially at lower luminosities. Finally, some mergers
may also occur outside of their host galaxies (Berger 2010;
Kelley et al. 2010). Although restricting counterpart searches to
nearby galaxies is unlikely to reduce the number of telescope
pointings necessary in follow-up searches, it nevertheless can
substantially reduce the effective sky region to be searched,
thereby allowing for more effective vetoes of false positive
events (Kulkarni & Kasliwal 2009).

At the present there are no optical or radio facilities that can
provide all-sky coverage at a cadence and depth matched to
the expected light curves of EM counterparts. As we show in
this paper, even the Large Synoptic Survey Telescope (LSST),
with a planned all-sky cadence of four days and a depth of
r ≈ 24.7 mag, is unlikely to effectively capture the range of
expected EM counterparts. Thus, targeted follow-up of GW

6 Predicted EM counterparts that may instead precede the GW signal include
emission powered by the magnetosphere of the NS (e.g., Hansen & Lyutikov
2001; McWilliams & Levin 2011; Lyutikov 2011a, 2011b), or cracking of the
NS crust due to tidal interactions (e.g., Troja et al. 2010; Tsang et al. 2011),
during the final inspiral. However, given the current uncertainties in these
models, we do not discuss them further.
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Figure 1. Summary of potential electromagnetic counterparts of NS–NS/
NS–BH mergers discussed in this paper, as a function of the observer angle,
θobs. Following the merger a centrifugally supported disk (blue) remains around
the central compact object (usually a BH). Rapid accretion lasting !1 s
powers a collimated relativistic jet, which produces a short-duration gamma-
ray burst (Section 2). Due to relativistic beaming, the gamma-ray emission
is restricted to observers with θobs ! θj , the half-opening angle of the jet.
Non-thermal afterglow emission results from the interaction of the jet with
the surrounding circumburst medium (pink). Optical afterglow emission is
observable on timescales up to ∼ days–weeks by observers with viewing angles
of θobs ! 2θj (Section 3.1). Radio afterglow emission is observable from all
viewing angles (isotropic) once the jet decelerates to mildly relativistic speeds
on a timescale of weeks–months, and can also be produced on timescales of
years from sub-relativistic ejecta (Section 3.2). Short-lived isotropic optical
emission lasting ∼few days (kilonova; yellow) can also accompany the merger,
powered by the radioactive decay of heavy elements synthesized in the ejecta
(Section 4).
(A color version of this figure is available in the online journal.)

error regions is required, whether the aim is to detect optical
or radio counterparts. Even with this approach, the follow-
up observations will still require large field-of-view (FOV)
telescopes to cover tens of square degrees; targeted observations
of galaxies are unlikely to substantially reduce the large amount
of time to scan the full error region.

Our investigation of EM counterparts is organized as follows.
We begin by comparing various types of EM counterparts, each
illustrated by the schematic diagram in Figure 1. The first is an
SGRB, powered by accretion following the merger (Section 2).
Even if no SGRB is produced or detected, the merger may still
be accompanied by relativistic ejecta, which will power non-
thermal afterglow emission as it interacts with the surrounding
medium. In Section 3 we explore the properties of such “or-
phan afterglows” from bursts with jets nearly aligned toward
Earth (optical afterglows; Section 3.1) and for larger viewing
angles (late radio afterglows; Section 3.2). We constrain our
models using the existing observations of SGRB afterglows,
coupled with off-axis afterglow models. We also provide a re-
alistic assessment of the required observing time and achiev-
able depths in the optical and radio bands. In Section 4 we
consider isotropic optical transients powered by the radioac-
tive decay of heavy elements synthesized in the ejecta (referred
to here as “kilonovae,” since their peak luminosities are pre-
dicted to be roughly one thousand times brighter than those
of standard novae). In Section 5 we compare and contrast the
potential counterparts in the context of our four Cardinal Virtues.
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• The first detection of BNS merger event 
by GW, radio, IR/opt/UV, X-ray, MeV γ-ray 

• GW signal from BNS merger 
—> short GRB just 2 sec after the merger

GW170817: Multi-messenger event
5

LIGO 2017 (GW-GRB paper)

The 90% credible intervals(Veitch et al. 2015; Abbott et al.
2017e) for the component masses (in the m m1 2. convention)
are m M1.36, 2.261 Î :( ) and m M0.86, 1.362 Î :( ) , with total
mass M2.82 0.09

0.47
-
+

:, when considering dimensionless spins with

magnitudes up to 0.89 (high-spin prior, hereafter). When the
dimensionless spin prior is restricted to 0.05- (low-spin prior,
hereafter), the measured component masses are m 1.36,1 Î (

M1.60 :) and m M1.17, 1.362 Î :( ) , and the total mass is

Figure 2. Joint, multi-messenger detection of GW170817 and GRB170817A. Top: the summed GBM lightcurve for sodium iodide (NaI) detectors 1, 2, and 5 for
GRB170817A between 10 and 50 keV, matching the 100 ms time bins of the SPI-ACS data. The background estimate from Goldstein et al. (2016) is overlaid in red.
Second: the same as the top panel but in the 50–300 keV energy range. Third: the SPI-ACS lightcurve with the energy range starting approximately at 100 keV and
with a high energy limit of least 80 MeV. Bottom: the time-frequency map of GW170817 was obtained by coherently combining LIGO-Hanford and LIGO-
Livingston data. All times here are referenced to the GW170817 trigger time T0

GW.
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Fig. 1 Schematic figure of our unified picture.

we discuss alternative models, and also implications for the future observations of the radio

flares and X-ray remnants. § 7 is devoted to the summary.

2. sGRB 170817A from an off-axis jet

The observed sGRB 170817A [2, 22, 23] constrains the properties of a jet associated with

GW170817. Emission from the jet is beamed into a narrow (half-)angle ∼ 1/Γ where Γ is the

Lorentz factor of the jet, while de-beamed off-axis emission is also inevitable outside ∼ 1/Γ

as a consequence of the relativistic effect (see Fig. 1). To begin with, we consider the most

simple top-hat jet with uniform brightness and a sharp edge (see § 6.1 for the other cases).

For a top-hat jet, we can easily calculate the isotropic energy Eiso(θv) as a function of the

viewing angle θv by using the formulation of Ioka & Nakamura [47] and Appendix A. Even

if the observed sGRB is not the off-axis emission from a top-hat jet, we can put the most

robust upper limit on the on-axis isotropic energy Eiso(0) of a jet, whatever the jet structure

and the emission mechanism is.

The emission from a top-hat jet is well approximated by that from a uniform thin shell

with an opening angle ∆θ. We can analytically obtain the observed spectral flux in Eqs. (A1)

and (A2) [47] as

Fν(T ) =
2r0cA0

D2

∆φ(T )f{νΓ[1− β cos θ(T )]}

Γ2[1− β cos θ(T )]2
. (1)

The isotropic energy is obtained by numerically integrating the above equation with time

and frequency as Eiso(θv) ∝
∫ Tend

Tstart

dT
∫ νmax

νmin

dν Fν(T ) in Eq. (A4). If the emission comes from

4/22
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• The first detection of BNS merger event 
by GW, radio, IR/opt/UV, X-ray, MeV γ-ray 

• GW signal from BNS merger 
—> short GRB just 2 sec after the merger 

• Optical signal from ejecta  
    —> outflows with r-process elements

GW170817: Multi-messenger event
6

Tanaka et al. 2017 ; Utsumi et al. 2017

102-4 Publications of the Astronomical Society of Japan (2017), Vol. 69, No. 6

3 Results
The left-hand panel of figure 2 compares the observed light
curves of SSS17a (Utsumi et al. 2017) and the model with
Ye = 0.10–0.40 (the dynamical ejecta model). We find
that the ejecta mass of 0.03 M⊙ reasonably reproduces the
near-infrared brightness near the peak. However, the calcu-
lated optical light curves are systematically fainter than the
observations by 1.0–1.5 mag at the initial phases (t < 2 d).
This is due to high optical opacities of lanthanide elements
(Z = 57–71, Kasen et al. 2013; Barnes & Kasen 2013;
Tanaka & Hotokezaka 2013; Fontes et al. 2017; Wollaeger

Fig. 1. Element abundances at 1 d after the merger. The blue, green, and
red lines show the abundance patterns calculated with Ye = 0.30, 0.25,
and 0.15, respectively (Wanajo et al. 2014). The abundance patterns of
Ye = 0.30 and 0.25 approximate the post-merger ejecta. The orange line
shows the abundance by assuming a flat distribution of Ye from 0.10
to 0.40, which depicts the properties of the dynamical ejecta. The black
line shows the solar abundances. Below show the arrows the lanthanide
and actinide elements with high opacities.

et al. 2017). Because this model has a considerable fraction
of lanthanide elements, the resulting kilonova at the ini-
tial phases is too red compared with the observations. The
faint optical flux is also shown in figure 3, where the spectral
energy distribution of SSS17a is compared with simulated
spectra (orange line for Ye = 0.10–0.40). To explain the
optical brightness, ejecta mass of ∼0.06 M⊙ is required,
although such a model gives too bright near-infrared light
curves.

The observed blue emission at the initial phases indicates
a presence of the ejecta with relatively low opacities. The
green curves in figure 3 show simulated spectra of the model
with the ejecta mass of 0.03 M⊙ and Ye = 0.25. The overall
agreement between the observed spectral energy distribu-
tion and that of the medium Ye model is satisfactorily well
in both the optical and the near-infrared wavelengths from
t = 2 d to 7 d. As expected from the good agreement with the
spectral energy distribution, the model with medium Ye also
reproduces the overall properties of the multicolor light
curves (right-hand panel of figure 2). If the ejecta are com-
pletely free from lanthanide elements (Ye = 0.30, blue lines
in figure 3), the spectra are too blue and do not produce
enough flux in the near-infrared wavelengths (>10000 Å)
at all the epochs.

4 Discussion
A comparison between our radiative transfer simulations
and the observations of SSS17a provides insight on the
ejected material in the NS merger event GW170817.
We show that the observed near-infrared emission is

Fig. 2. Optical and near-infrared light curves of SSS17a compared with kilonova models with (left) Ye = 0.10–0.40 and (right) Ye = 0.25. The optical
and near-infrared data are taken from Utsumi et al. (2017). For the observed data, the line-of-sight extinction of E(B − V) = 0.1 mag has been corrected.
All the magnitudes are given in AB magnitudes.
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Fig. 3. Time evolution of optical and near-infrared spectral energy distri-
bution of SSS17a compared with three models. The observational data
are taken from Utsumi et al. (2017). All of the three models assume the
same ejecta mass (0.03 M⊙) and the same average velocity (⟨v⟩ = 0.1c).
Orange curves show the model of the dynamical ejecta (Ye = 0.10–0.40)
while blue and green curves show the models with the elemental abun-
dances calculated with high Ye (Ye = 0.30) and medium Ye (Ye = 0.25),
respectively.

nicely explained by 0.03 M⊙ of ejecta containing lan-
thanide elements (Ye = 0.10–0.40 or Ye = 0.25). How-
ever, the model with Ye = 0.10–0.40 does not repro-
duce the blue optical emission at the initial phases. On
the other hand, if the ejecta are completely lanthanide free
(Ye = 0.30), the emission is too blue compared with the
observations. We find that, as far as a single component
model is considered, the model with Ye = 0.25 containing
a small fraction of lanthanide elements reproduces both
optical and near-infrared emissions reasonably well.

What is the origin of such ejecta? The simulations of the
dynamical mass ejection show that a stronger mass ejection
occurs when radii of the NSs are smaller (i.e., when the
equation of state of the NSs is soft), and thus, shock heating
is more efficient. However, a possible maximum mass of the
dynamical ejecta is about 0.01 M⊙ with currently available
equations of states (e.g., Hotokezaka et al. 2013; Sekiguchi

Fig. 4. Schematic picture of the ejecta of the NS merger event GW170817.

et al. 2015, 2016; Radice et al. 2016). An even higher mass
ejection might be possible for a merger with an extreme
mass ratio of two NSs. However, in such cases, a tidally
disrupted component with a low Ye dominates (see the red
line in figure 1 for the abundances with Ye = 0.15) and the
emission would become even redder at the initial phases.
By virtue of these facts, it is unlikely that the dynamical
ejecta alone can power the entire optical and near-infrared
emissions of SSS17a.

We suggest that a kilonova from post-merger ejecta plays
a dominant contribution for SSS17a. The observed proper-
ties are nicely explained if the entire ejecta are moderately
lanthanide-rich as in the case of Ye = 0.25. However, it
does not necessarily mean that the ejecta should have only
a single component. In reality, the ejecta would have an
angular distribution of Ye, having higher Ye near a polar
region (Perego et al. 2014; Fujibayashi et al. 2017). There-
fore, more realistic situation may be a combination of spa-
tially separated high-, medium-, and possibly low-Ye com-
ponents as illustrated in figure 4. In fact, the model with
medium Ye does not perfectly reproduce the flux at <5000 Å
at t = 2 d and the agreement can be improved with a pres-
ence of small amount of high-Ye ejecta probably near the
pole. Then, our line of sight may be somewhat off-axis so
that we can observe both high- and medium-Ye regions. This
may also explain the weakness of the gamma-ray emission
(Connaughton et al. 2017; Goldstein et al. 2017; Savchenko
et al. 2017a, 2017b).

Our interpretation implies that a large amount of ejecta
with medium or high Ye is ejected during the post-merger
phase. The large ejecta mass suggests that the viscous
mass ejection is quite efficient in the NS merger event
GW170817. A required dimensionless viscous α parameter
is α ! 0.03 (Shibata et al. 2017). In addition, we specu-
late that a relatively long-lived massive NS is present after
the merger (Metzger & Fernández 2014; Kasen et al. 2015;
Lippuner et al. 2017) so that neutrino emission from the
central NS can increase Ye of the surrounding disk as well
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Fig. 1 Schematic figure of our unified picture.

we discuss alternative models, and also implications for the future observations of the radio

flares and X-ray remnants. § 7 is devoted to the summary.

2. sGRB 170817A from an off-axis jet

The observed sGRB 170817A [2, 22, 23] constrains the properties of a jet associated with

GW170817. Emission from the jet is beamed into a narrow (half-)angle ∼ 1/Γ where Γ is the

Lorentz factor of the jet, while de-beamed off-axis emission is also inevitable outside ∼ 1/Γ

as a consequence of the relativistic effect (see Fig. 1). To begin with, we consider the most

simple top-hat jet with uniform brightness and a sharp edge (see § 6.1 for the other cases).

For a top-hat jet, we can easily calculate the isotropic energy Eiso(θv) as a function of the

viewing angle θv by using the formulation of Ioka & Nakamura [47] and Appendix A. Even

if the observed sGRB is not the off-axis emission from a top-hat jet, we can put the most

robust upper limit on the on-axis isotropic energy Eiso(0) of a jet, whatever the jet structure

and the emission mechanism is.

The emission from a top-hat jet is well approximated by that from a uniform thin shell

with an opening angle ∆θ. We can analytically obtain the observed spectral flux in Eqs. (A1)

and (A2) [47] as

Fν(T ) =
2r0cA0

D2

∆φ(T )f{νΓ[1− β cos θ(T )]}

Γ2[1− β cos θ(T )]2
. (1)

The isotropic energy is obtained by numerically integrating the above equation with time

and frequency as Eiso(θv) ∝
∫ Tend

Tstart

dT
∫ νmax

νmin

dν Fν(T ) in Eq. (A4). If the emission comes from
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• The first detection of BNS merger event 
by GW, radio, IR/opt/UV, X-ray, MeV γ-ray 

• GW signal from BNS merger 
—> short GRB just 2 sec after the merger 

• Optical signal from ejecta  
    —> outflows with r-process elements 

• Superluminal motion by VLBI observation 
—> existence of powerful relativistic jets

GW170817: Multi-messenger event
7
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Figure 1: Proper motion of the radio counterpart of GW170817. The centroid offset posi-

tions (shown by 1� errorbars) and 3�-12� contours of the radio source detected 75 d (black)

and 230 d (red) post-merger with Very Long Baseline Interferometry (VLBI) at 4.5 GHz. The

two VLBI epochs have image RMS noise of 5.0 µJy beam�1 and 5.6 µJy beam�1 (natural-

weighting) respectively, and the peak flux densities of GW170817 are 58 µJy beam�1 and 48 µJy

beam�1 respectively. The radio source is consistent with being unresolved at both epochs. The

shape of the synthesized beam for the images from both epochs are shown as dotted ellipses to the

lower right corner. The proper motion vector of the radio source has a magnitude of 2.7± 0.3 mas

and a position angle of 86o ± 18o, over 155 d.
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• Gamma-ray counterparts 
—> Some fraction of GRBs should be produced by BNS mergers 

• UV/Optical/IR counterparts 
—> Existence of merger ejecta with r-process heavy elements 

• Radio & X-ray afterglows 
—>  BNS mergers create relativistic jets

Things confirmed by GW170817
8

• Do BNS mergers produce detectable neutrino signals? 
• Do ν detection useful to probe GRB/BNS merger physics?

High-energy neutrinos are not detected
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High-energy neutrino production
• pp inelastic collision
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Interaction between CRs & photons/nuclei → Neutrino production 
Gamma-rays inevitably accompanied with neutrinos



Neutrino and GW signatures from magnetar remnants of BNS mergers 3

will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth

dt
= Lsd �

Enth

R

dR

dt
�

Enth

t
neb

di↵

, (1)

dEth

dt
=

�
1�A

�Enth

t
neb

di↵

�
Eth

R

dR

dt
�

Eth

t
ej

di↵

, (2)

dEB

dt
= "BLsd �

EB

R

dR

dt
, (3)

[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This
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discussed in Sec. IV. We discuss several related issues such
as the diffuse neutrino flux in Sec. V, and summarize our
results in Sec. VI.

II. PHYSICAL CONDITIONS OF THE SYSTEM

The ejecta of BNS mergers have a few components.
One is the dynamical ejecta that consist of the shock-heated
and/or tidally stripped material during the merger [59,60].
The remnant object of the merger can be a fast-spinning
hypermassive NS (HMNS) surrounded by a massive
accretion torus [61–63]. Both the HMNS and the accretion
torus produce outflows by the viscous and neutrino heating
processes [64,65]. These outflowing material becomes the
ejecta of macronova/kilonova of mass 0.01–0.05 M⊙. The
observations of GW170817 suggest two-component ejecta:
the fast-blue (∼0.3c) and the slow-red (∼0.1–0.2c) com-
ponents (see e.g., Refs [9,23,66]). When the HMNS loses
its angular momentum through GWemission and viscosity,
it collapses to a black hole, which may lead to the launch
of relativistic jets through Blandford-Znajek mechanism
[67–70]. The velocity fluctuations of jets make the internal
shocks [71], where the high-energy neutrinos are expected
to be produced [72,73]. The jets sweep up the ejecta
material during the propagation, forming a cocoon sur-
rounding the jet [30,74–78]. If the cocoon pressure is high,
it pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutrinos
[50]. In this study, following Ref. [50] for massive stellar
collapses, we discuss the neutrino emission from these two
sites. Note that we cannot expect particle acceleration at the
reverse and forward shocks of the jet head, because the
radiation constraint is satisfied there (see Sec. II B).
Figure 1 is the schematic picture of this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass Mej
and velocity βej. We assume a time lag between the ejecta
production and the jet launching, tlag ∼ 1 s, and a duration
of the jet production similar to that of typical SGRBs,

tdur ∼ 2 s. At the time when the jet production stops, the
ejecta radius is estimated to be

Rej ¼ cβejðtdur þ tlagÞ
≃ 3.0 × 1010βej;−0.48χlag;0.18tdur;0.3 cm; ð1Þ

where we use χlag ¼ 1þ tlag=tdur and notation Qx ¼ 10x in
appropriate unit [βej;−0.48 ¼ βej=ð0.33Þ, χlag;0.18 ¼ χlag=1.5,
and tdur;0.3 ¼ tdur=ð2sÞ]. Since the fast-blue component is
expected to be located in the polar region, we use
βej ≃ 0.33. This component may originate from the outflow
from the HMNS, so we assume the windlike density profile
of the ejecta:

ρej ¼
Mej

4πR3
ej

!
R
Rej

"−2
: ð2Þ

The dynamical ejecta can have a steeper density profile,
ρej ∝ R−3, and we do not discuss it for simplicity. We
consider the propagation of the jet whose isotropic equiv-
alent kinetic luminosity Lk;iso, Lorentz factor Γj, and
opening angle θj, which leads to the intrinsic jet kinetic
luminosity Lk;jet ¼ θ2jLk;iso=2 (the one-side jet luminosity
used in e.g., Refs. [76,77,79] is Lk;jet=2). At the down-
stream of the collimation shock, the jet moves along the jet
axis with the Lorentz factor Γcj ∼ θ−1j ∼ 3.3θ−1j;−0.52
(θj;−0.52 ¼ θj=0.3), which makes the shock Lorentz factor
Γrel-cs ≈ Γj=ð2ΓcjÞ ≃ 45Γj;2.48θj;−0.52 (Γj;2.48 ¼ Γj=300).
Taking into account the fact that Rej ∝ t, the jet head
position is estimated to be

Rh ¼ 2.2 × 1010L1=3
k;iso;51θ

−2=3
j;−0.52M

−1=3
ej;−2

× β1=3ej;−0.48t
4=3
dur;0.3χ

1=3
lag;0.18 cm; ð3Þ

where Lk;iso;51 ¼ Lk;iso=ð1051 erg s−1Þ, Mej;−2 ¼ Mej=
ð0.01M⊙Þ and we use the fitting formula of Ref. [79]
(see also Ref. [77]). This estimate of Rh is at the time of
the jet quenching, i.e., t ¼ tdur, where t ¼ 0 is the time
when the jet starts being launched. The collimation shock
forms at

Rcs ¼ 9.9 × 109L1=2
k;iso;51M

−1=2
ej;−2β

1=2
ej;−0.48t

3=2
dur;0.3χ

1=2
lag;0.18 cm;

ð4Þ

where we use the formula in Ref. [79] again. Note that the
pressure gradient that may exist in more realistic situations
leads to a collimation shock radius smaller than the estimate
above, especially if Rcs ≪ Rh [77], although this formula is
calibrated to match the results of numerical simulations.
In this sense, our setup could be optimistic, since we require
that the high-energy neutrino production occurs at radii
smaller than Rcs as we see later.

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.
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Neutrino and GW signatures from magnetar remnants of BNS mergers 3

will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth

dt
= Lsd �

Enth

R

dR

dt
�

Enth

t
neb

di↵

, (1)

dEth

dt
=

�
1�A

�Enth

t
neb

di↵

�
Eth

R

dR

dt
�

Eth

t
ej

di↵

, (2)

dEB

dt
= "BLsd �

EB

R

dR

dt
, (3)

[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This

Neutrino Emission Sites for BNS mergers
11

discussed in Sec. IV. We discuss several related issues such
as the diffuse neutrino flux in Sec. V, and summarize our
results in Sec. VI.

II. PHYSICAL CONDITIONS OF THE SYSTEM

The ejecta of BNS mergers have a few components.
One is the dynamical ejecta that consist of the shock-heated
and/or tidally stripped material during the merger [59,60].
The remnant object of the merger can be a fast-spinning
hypermassive NS (HMNS) surrounded by a massive
accretion torus [61–63]. Both the HMNS and the accretion
torus produce outflows by the viscous and neutrino heating
processes [64,65]. These outflowing material becomes the
ejecta of macronova/kilonova of mass 0.01–0.05 M⊙. The
observations of GW170817 suggest two-component ejecta:
the fast-blue (∼0.3c) and the slow-red (∼0.1–0.2c) com-
ponents (see e.g., Refs [9,23,66]). When the HMNS loses
its angular momentum through GWemission and viscosity,
it collapses to a black hole, which may lead to the launch
of relativistic jets through Blandford-Znajek mechanism
[67–70]. The velocity fluctuations of jets make the internal
shocks [71], where the high-energy neutrinos are expected
to be produced [72,73]. The jets sweep up the ejecta
material during the propagation, forming a cocoon sur-
rounding the jet [30,74–78]. If the cocoon pressure is high,
it pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutrinos
[50]. In this study, following Ref. [50] for massive stellar
collapses, we discuss the neutrino emission from these two
sites. Note that we cannot expect particle acceleration at the
reverse and forward shocks of the jet head, because the
radiation constraint is satisfied there (see Sec. II B).
Figure 1 is the schematic picture of this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass Mej
and velocity βej. We assume a time lag between the ejecta
production and the jet launching, tlag ∼ 1 s, and a duration
of the jet production similar to that of typical SGRBs,

tdur ∼ 2 s. At the time when the jet production stops, the
ejecta radius is estimated to be

Rej ¼ cβejðtdur þ tlagÞ
≃ 3.0 × 1010βej;−0.48χlag;0.18tdur;0.3 cm; ð1Þ

where we use χlag ¼ 1þ tlag=tdur and notation Qx ¼ 10x in
appropriate unit [βej;−0.48 ¼ βej=ð0.33Þ, χlag;0.18 ¼ χlag=1.5,
and tdur;0.3 ¼ tdur=ð2sÞ]. Since the fast-blue component is
expected to be located in the polar region, we use
βej ≃ 0.33. This component may originate from the outflow
from the HMNS, so we assume the windlike density profile
of the ejecta:

ρej ¼
Mej

4πR3
ej

!
R
Rej

"−2
: ð2Þ

The dynamical ejecta can have a steeper density profile,
ρej ∝ R−3, and we do not discuss it for simplicity. We
consider the propagation of the jet whose isotropic equiv-
alent kinetic luminosity Lk;iso, Lorentz factor Γj, and
opening angle θj, which leads to the intrinsic jet kinetic
luminosity Lk;jet ¼ θ2jLk;iso=2 (the one-side jet luminosity
used in e.g., Refs. [76,77,79] is Lk;jet=2). At the down-
stream of the collimation shock, the jet moves along the jet
axis with the Lorentz factor Γcj ∼ θ−1j ∼ 3.3θ−1j;−0.52
(θj;−0.52 ¼ θj=0.3), which makes the shock Lorentz factor
Γrel-cs ≈ Γj=ð2ΓcjÞ ≃ 45Γj;2.48θj;−0.52 (Γj;2.48 ¼ Γj=300).
Taking into account the fact that Rej ∝ t, the jet head
position is estimated to be

Rh ¼ 2.2 × 1010L1=3
k;iso;51θ

−2=3
j;−0.52M

−1=3
ej;−2

× β1=3ej;−0.48t
4=3
dur;0.3χ

1=3
lag;0.18 cm; ð3Þ

where Lk;iso;51 ¼ Lk;iso=ð1051 erg s−1Þ, Mej;−2 ¼ Mej=
ð0.01M⊙Þ and we use the fitting formula of Ref. [79]
(see also Ref. [77]). This estimate of Rh is at the time of
the jet quenching, i.e., t ¼ tdur, where t ¼ 0 is the time
when the jet starts being launched. The collimation shock
forms at

Rcs ¼ 9.9 × 109L1=2
k;iso;51M

−1=2
ej;−2β

1=2
ej;−0.48t

3=2
dur;0.3χ

1=2
lag;0.18 cm;

ð4Þ

where we use the formula in Ref. [79] again. Note that the
pressure gradient that may exist in more realistic situations
leads to a collimation shock radius smaller than the estimate
above, especially if Rcs ≪ Rh [77], although this formula is
calibrated to match the results of numerical simulations.
In this sense, our setup could be optimistic, since we require
that the high-energy neutrino production occurs at radii
smaller than Rcs as we see later.

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.
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• Short GRB afterglow: 
Extended & plateau emissions 
—> Late-time engine activity 
—> Origin of late-engine is mystery 

• Neutrinos can be useful to probe late-engine

short GRB afterglow
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• Calculate ν fluence from each component by one-zone model 

• Power-law proton injection:   E2
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SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
2

diss
2 , and ò e e e=g e

e
g g g g

g

g ( )U d dn d
m

M

,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:

> º + + g
- - - - - ( )t t t t t . 1p p pacc

1
,cool
1

dyn
1

,syn
1 1

The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
2

diss
2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by
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where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be

»n
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n
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dE
1
8

, 3p p
p
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2

where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p

-2.6 10 8 s) and = +p p
- - -t t t,cool

1
,syn
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1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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Note that the temperature and radiation energy density
in the collimation jet is independent of both Liso and Γj .

In the collimation jet, np ≈ ncj and B ≈
√

8πξBaT 4,
where ξB is the ratio of the magnetic field energy density
to the radiation energy density.

We plot the timescales for the collimation shock in the
upper panel of Figure 2, and tabulate the parameters in
Table I. We do not show other relevant timescales, such
as the advection time tadv = Rh/(cΓcj) and tp,syn be-
cause they are much longer. We can see that the Bethe-
Heigler process suppresses the pion production for 0.01
TeV ! εp ! 1 TeV, while the pion production efficiency is
almost unity above εp "1 TeV. The maximum energy of
the protons εp ≃ 3.1× 102 TeV. However, the pion cool-
ings are significant for επ " 0.1 TeV due to the high den-
sity and the strong magnetic field in the collimation jet.
The critical energies at which synchrotron and hadronic
processes become important are estimated to be επ,syn ≃
0.062θ−1

j,0.3M
−1/2
ej,−2β

1/2
ej,0.33t

3/2
dur,2χ

1/2
lag,1.5ξ

−1/2
B,−1 TeV (ξB,−1 =

ξB/0.1) and εpπ ≃ 0.50θ−1
j,0.3Γj,300βj,0.33M

−1
ej,−2t

3
dur,2 TeV,

respectively. Since the Lorentz factor of the emission re-
gion is small, Γcj ∼ 3.3, we cannot expect high-energy
neutrinos of Eν > 10 TeV. This makes it difficult to
detect the high-energy neutrinos from the collimation
shocks near future.

2. Internal shocks

In the internal shocks, we expect two types of the tar-
get photons. One is the leakage photons from the col-
limation jet, and the other is the prompt photons from
the non-thermal electrons produced at the internal shock.
For the leakage photons, we assume that the escape frac-
tion is τ−1

cj ∼ Γcj/(ncjσTRcs). Then, the leakage pho-
ton density is Γj/(2Γcjτcj) times the photon density in
the collimation jet, where the factor Γj/(2Γcj) represents
the Lorentz boost. The energy of the leakage photons
is also boosted by Γj/(2Γcj). For the prompt photons,
we assume that a fraction ϵe of the thermal energy in
the downstream is converted to the non-thermal pho-
ton energy, Uγ ≈ ϵe(Γrel − 1)njmpc2, and use the bro-
ken power-law spectrum, dnγ/dεγ ∝ ε−α1

γ (ε−α2
γ ) for

εγ < εγ,pk (εγ > εγ,pk). The magnetic field at the in-
ternal shock is estimated to be B =

√
8πξBUγ .

In the bottom panel of Figure 2, we plot the inverse of
timescales for model A whose parameters are tabulated
in Table I. The photomeson production is the dominant
cooling process in the energy range of our interest, where
the contribution from the leakage photons is more impor-
tant than the prompt photons. Note that these leakage
photons have typically higher photon energy, εγ ∼ 1−10
MeV, than the prompt photons, resulting in the high
neutrino flux around 1–100 TeV range. The maximum
comoving proton energy is 30 TeV. The pions cooling is
not essential in this parameter set. The adiabatic cool-
ing is the most efficient for pions, and the critical energy

FIG. 3. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and conservative
(model B: dashed line) cases.

is επ,dyn ≃ 5.0tvar,−4Γj,300Γ
−2
rel,4 TeV. For low Γj case,

the hadronic cooling can be important due to their very
strong Γj dependence: εpπ ≃ 16L−1

iso,51t
2
var,−4Γ

6
j,300Γ

−4
rel,4

TeV. Since the Lorentz factor at the emission region for
the internal shock case is high, we can expect much higher
neutrino fluence at Eν > 10 TeV.

B. Neutrinos from the internal shocks

Since the collimation shock cannot produce the neu-
trinos of Eν > 10 TeV efficiently, we focus on the neu-
trino emissions from the internal shocks. For cosmic
rays at the internal shock, we consider that all the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock accel-
eration spectrum with an exponential cutoff, dN/dEp ∝
E−2

p exp(−Ep/Ep,max), the non-thermal proton spectrum
is approximated to be

E2
p
dN

dEp
≈ (Γrel − 1)Eiso

ln(Ep,max/Ep,min)
exp

(
− Ep

Ep,max

)
, (13)

where Eiso ≈ Lisotdur is the isotropic equivalent kinetic
energy, Ep,max and Ep,min are the maximum and mini-
mum energy of the non-thermal protons at the observer
frame, respectively. We use Ep,min ≈ ΓjΓrelmpc2 and
Ep,max = Γjεp,max is obtained by the balance between
the acceleration and cooling, i.e., tp,acc ≈ tp,cl.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as

E2
π−νµ

dNπ−νµ

dEπ−νµ

≈
(
1

8
fpγ +

1

6
fpp

)
fπ,supE

2
p
dNp

dEp
., (14)

where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neu-

trino production efficiency through photomeson produc-

SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
2

diss
2 , and ò e e e=g e

e
g g g g

g

g ( )U d dn d
m

M

,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:
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The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
2

diss
2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by

ò òg
e s k e e e

e
=g

e
g g g g

e g
g g

g

-
¥ ¥

-

g

( )
( )

t
c

d d
dn
d2

, 2p
p

p p
1

2 2

2

pth

where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be
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where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p

-2.6 10 8 s) and = +p p
- - -t t t,cool

1
,syn
1

dyn
1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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• ν fluence from each component by one-zone model

Multi-component One-zone Model
15

Model EX PL PR Flare

Γ 10–30 30 1000 30

rdiss [cm] 1013–1014 3x1014 3x1013 3x1014

Eγ,pk 
[keV] 1—10 0.1 500 0.3

Eγiso [erg] 1051 3x1050 1051 3x1050

• Extended emission (EE):  
highest neutrino production efficiency 

• Low   or low   
→ high photon density  
→ high fluence φ

Γj rdiss

SSK et al. 2017

number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:

s
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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• Assume that all the NS mergers within 300 Mpc are detected by GW 

•   & half of SGRBs have EE 
→ 2-5 EEs (10 yr) within GW horizon (300 Mpc) 

• For optimistic case, simultaneous detection of GWs and νs  
is highly probable even with IceCube 

• Even fore moderate cases, IceCube-Gen2 is likely to detect neutrinos

·ρsGRB ∼ 4 − 10 Gpc−3 yr−1

Prospects for GW-Neutrino association 
16

operation. The estimated values of (DT are tabulated in Table 3.
We find that the simultaneous detection of gamma-rays,
neutrinos, and GWs is possible in the era of IceCube-Gen2
and aLIGO/aVirgo/KAGRA, assuming a cosmic-ray loading
factor, x ~ 10p . This will allow us to probe the physical
conditions during EEs, including the cosmic-ray loading factor
and the Lorentz factor (see Section 4).

In the near future, KM3NeT will be in operation. While
IceCube is more suitable to observe the northern sky, KM3NeT
will achieve a better sensitivity for the southern sky, helping us
improve the possibility of detections.

In reality, not only Γ but also the other parameters for EEs
(rdiss, L iso

obs, Eiso
obs, α, β, gE ,pk, xB, dL) should be distributed in

certain ranges. However, their distribution functions are quite
uncertain, and detailed discussion of the parameter depen-
dences is beyond the scope of this Letter. Systematic studies
are required to obtain more solid conclusions.

4. Summary and Discussion

We have discussed the detectability of high-energy neutrinos
from SGRBs that occur within the sensitivity range of GW
detectors. We have calculated the neutrino fluences from
SGRBs including prompt emission and late-time emissions
(EEs, flares, plateaus) and shown that EEs may be accom-
panied by more efficient production of high-energy neutrinos
than the other components. Assuming that the distribution
function of the jet Lorentz factor is lognormal, the detection
probability of high-energy neutrinos from EEs with IceCube
and IceCube-Gen2 have been estimated as a function of dL.
Using the expected distance of GW detection from face-on NS–
NS binaries (∼300Mpc), IceCube can detect neutrinos from
less than 10% of EEs in the moderate case and around half of
EEs in the optimistic case, while IceCube-Gen2 can detect
around one-fourth of EEs in the moderate case and around
more than three-fourth of EEs in the optimistic case,
respectively. With several years of operation of IceCube-
Gen2, one may expect a high probability for the quasi-
simultaneous detections of gamma-rays, neutrinos, and GWs
from X-ray bright SGRBs.

The sky position and timing information of an SGRB are
obtained from electromagnetic waves and GWs, which
allow us to reduce the atmospheric background. The intensity
of the atmospheric neutrinos above TeV is around ´6

- - - -10 erg s sr cm8 1 1 2 (e.g., Abbasi et al. 2011). Within the
angular resolution of track-like events (~ n1 ) and the time

window of EEs (∼102 s), the atmospheric neutrino fluence can
ideally be as small as ~ ´ - -2 10 erg cm9 2. Although the
localization accuracy can be much worse, e.g., ∼5°–15° for
Fermi GBM (depending on the burst duration) or a few degrees
for the GW detector network (aLIGO/VIRGO/KAGRA)
without electromagnetic wave counterparts(e.g., Schutz 2011),
the atmospheric neutrino background is still much lower than
the signal in many cases. Therefore, we can safely neglect the
atmospheric backgrounds.
In the 2030s, third-generation GW detectors, such as

Einstein Telescope (ET) and LIGO cosmic explorer (LIGO-
CE), might be realized. ET and LIGO-CE can detect NS–NS
mergers even around ~z 2 and ~z 6, respectively(Sathya-
prakash et al. 2012; Abbott et al. 2017). Next-generation MeV
gamma-ray satellites such as e-ASTROGAM and AMEGO are
also being planned, which would be able to detect SGRBs at
2z 1 with an angular resolution of less than a few degrees.

Since GW data can tell us a redshift of each event for given
cosmological parameters,7 the redshift distribution of NS–NS
mergers and SGRBs will be obtained. In the IceCube-Gen2 era,
stacking analyses are expected to be powerful. For simplicity,
we assume all of the EEs have the same parameters as in the
EE-mod or EE-opt model, except for dL=5.8 Gpc (corresp-
onding to ~z 0.9). At this typical redshift of SGRBs(Wander-
man & Piran 2015), the SGRB rate is increased to
~ - -45 Gpc yr3 1, but the atmospheric neutrinos are still
negligible partially because the signal fluxes expected in this
work typically have peak energies of >10 TeV.8 Under the
assumption that half of the SGRBs are accompanied by EEs,
we expect ∼1300 EEs per year in the northern sky. The
expected number of nm-induced upgoing tracks in IceCube-
Gen2 is & ´m

-� 4.6 10 4 and &m � 0.021 for the EE-mod
and EE-opt models, respectively. We find that the detection
probability for a three-month operation, (0.25yr, is �0.14 for
EE-mod and�0.999 for EE-opt. Two years of operation would
be enough to increase ( � 0.691yr for EE-mod. Detailed
discussion, including the effect of cosmological evolution and
parameter dependence, is left for future work. We encourage
stacking analyses specialized on not only long GRBs but also
SGRBs with longer time windows in order to constrain high-
energy neutrino emission associated with the late-time
activities.
High-energy neutrinos can serve as a powerful probe of

cosmic-ray acceleration in SGRBs and physics of SGRB jets
associated with NS–NS mergers. They can provide important
clues to an outflow associated with late-time activities, whose
mechanisms are highly uncertain. Several scenarios for late-
time activities have been proposed to explain EEs, flares, and
plateaus. For example, the fragmentation of the accretion disk
(Perna et al. 2006) and its magnetic barrier (Liu et al. 2012)
may lead to a considerable amount of baryons around the
central engine, which may result in a high baryon loading
factor. On the other hand, baryon loading factors can be very
low if the outflow is largely Poynting-dominated. This could
be realized by not only Blandford–Znajek jets from a BH
(Nakamura et al. 2014; Kisaka et al. 2015) but also a long-lived

Table 3
The Detection Probabilities within a Given Time Interval, (DT

NS–NS (D =T 10 years) IC (all) Gen2 (all)

EE-mod-dist-A 0.11–0.25 0.37–0.69
EE-mod-dist-B 0.16–0.35 0.44–0.77
EE-opt-dist-A 0.76–0.97 0.98–1.00
EE-opt-dist-B 0.65–0.93 0.93–1.00

NS–BH (D =T 5 years) IC (all) Gen2 (all)

EE-mod-dist-A 0.12–0.28 0.45–0.88
EE-mod-dist-B 0.18–0.39 0.57–0.88
EE-opt-dist-A 0.85–0.99 1.00–1.00
EE-opt-dist-B 0.77–0.97 0.99–1.00

Note. The SGRB rate is assumed to be -- - - -4 Gpc yr 10 Gpc yr3 1 3 1.

7 The GW data can give the redshift and cosmological parameters
independently of electromagnetic signals if the tidal effect is taken into
account (Messenger & Read 2012).
8 The temporal information of gamma-ray light curves is also useful to reduce
the atmospheric background(Bartos & Márka 2014). See also Bustamante
et al. (2015).
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• GW170817 is slightly off-axis event —>  

• Optimistic model was consistent with IceCube upper limit for GW170817

F ∝ (Γθ)−3

IceCube Constraint on GW170817
17

18

to attenuation by the ejecta, we compare our neutrino con-
straints to neutrino emission expected for typical GRB pa-
rameters. For the prompt and extended emissions, we use the
results of Kimura et al. (2017) and compare these to our con-
straints for the relevant ±500 s time window. For extended
emission we consider source parameters corresponding to
both optimistic and moderate scenarios in Table 1 of Kimura
et al. (2017). For emission on even longer timescales, we
compare our constraints for the 14-day time window with
the relevant results of Fang & Metzger (2017), namely emis-
sion from approximately 0.3 to 3 days and from 3 to 30 days
following the merger. Predictions based on fiducial emis-
sion models and neutrino constraints are shown in Fig. 2. We
find that our limits would constrain the optimistic extended-
emission scenario for a typical GRB at ⇠ 40Mpc, viewed at
zero viewing angle.

4. CONCLUSION

We searched for high-energy neutrinos from the first bi-
nary neutron star merger detected through GWs, GW170817,
in the energy band of [⇠ 1011 eV, ⇠ 1020 eV] using the
ANTARES, IceCube, and Pierre Auger Observatories, as well
as for MeV neutrinos with IceCube. This marks an unprece-
dented joint effort of experiments sensitive to high-energy
neutrinos. We have observed no significant neutrino counter-
part within a ±500 s window, nor in the subsequent 14 days.
The three detectors complement each other in the energy
bands in which they are most sensitive (see Fig. 2).

This non-detection is consistent with our expectations from
a typical GRB observed off-axis, or with a low-luminosity
GRB. Possible gamma-ray attenuation in the ejecta from the
merger remnant could also account for the low gamma-ray
luminosity, which could mean stronger neutrino emission.
Optimistic scenarios for such on-axis gamma-attenuated
emission are constrained by the present non-detection.

While the location of this source was nearly ideal for
Auger, it was well above the horizon for IceCube and
ANTARES for prompt observations. This limited the sensitiv-
ity of the latter two detectors, particularly below ⇠ 100TeV.
For source locations near, or below the horizon, a factor of
⇠ 10 increase in fluence sensitivity to prompt emission from
an E�2 neutrino spectrum is expected.

With the discovery of a nearby binary neutron star merger,
the ongoing enhancement of detector sensitivity (Abbott
et al. 2016) and the growing network of GW detectors (Aso
et al. 2013; Iyer et al. 2011), we can expect that several binary
neutron star mergers will be observed in the near future. Not
only will this allow stacking analyses of neutrino emission,
but it will also bring about sources with favorable orientation
and direction.

The ANTARES, IceCube, and Pierre Auger Collaborations
are planning to continue the rapid search for neutrino can-

Figure 2. Upper limits (at 90% confidence level) on the neutrino
spectral fluence from GW170817 during a ±500 s window centered
on the GW trigger time (top panel), and a 14-day window follow-
ing the GW trigger (bottom panel). For each experiment, limits are
calculated separately for each energy decade, assuming a spectral
fluence F (E) = Fup ⇥ [E/GeV]�2 in that decade only. Also
shown are predictions by neutrino emission models. In the upper
plot, models from Kimura et al. (2017) for both extended emission
(EE) and prompt emission are scaled to a distance of 40 Mpc, and
shown for the case of on-axis viewing angle (0�) and selected off-
axis angles to indicate the dependence on this parameter. GW data
and the redshift of the host-galaxy constrain the viewing angle to
⇥ 2 [0�, 36�] (see Section 3). In the lower plot, models from Fang
& Metzger (2017) are scaled to a distance of 40 Mpc. All fluences
are shown as the per flavor sum of neutrino and anti-neutrino flu-
ence, assuming equal fluence in all flavors, as expected for standard
neutrino oscillation parameters.

didates from identified GW sources. A coincident neutrino,
with a typical position uncertainty of ⇠ 1 deg2 could signifi-
cantly improve the fast localization of joint events compared
to the GW-only case. In addition, the first joint GW and high-
energy neutrino discovery might thereby be known to the
wider astronomy community within minutes after the event,
opening a rich field of multimessenger astronomy with parti-
cle, electromagnetic, and gravitational waves combined.
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• For EX, stacked fluence should be 0.03 - 0. 2 GeV/cm2  for 200 sGRB 

• Typical distance (dL=3 Gpc; z=0.5) —> 1050 - 1051 erg per burst  

• Optimistic EX model is constrained

ℰiso
ν ≲

IceCube Constraints on late-time emission
18

Equation (9), a simulation of the neutrinos from individual
GRBs following the cosmological distribution is used to pro-
vide simulated data sets for the analysis, allowing us to set
limits directly on the total flux by varying the injected signal
strength from the population.

6.1. Extended TW

The stacked TS presented in Section 4.1 is used to place an
upper limit on contributions of GRBs to the quasi-diffuse flux
measured by IceCube. Flux is injected using an E−2.28 (Stettner
2019) spectrum until 90% of trials yield a stacked TS above the
unblinded value. This injected flux is converted to a diffuse
flux using Equation (9). This procedure is repeated for all 10
TWs and the prompt. For the prompt, the shortest TW that
includes the entire reported T100 is used (see Figure 2).

These 90% confidence level limits are set for each TW for
various subsets of GRBs. The four sub-populations analyzed
with a binomial test are presented in Figure 4. Limits are also
placed on all GRBs observed in the northern and southern sky,

as well as all short and long GRBs (Figure 5). In each plot, the
stacked limit from all 2091 GRBs is shown for reference.
Previous IceCube studies (Aartsen et al. 2017a) constrained

the prompt contribution of GRBs observable by current
gamma-ray satellites to ∼1% of the diffuse flux observed by
IceCube. The prompt limit presented here applies to all GRBs
in the universe and corresponds to 1%. The limits are similar
despite analyzing nearly twice as many GRBs in this analysis.
The difference is the inclusion of òz term to account for GRBs
that are too far away to be observable with current gamma-ray
satellites. Given its fluence trigger threshold of ∼10−8 erg
cm−2 s−1, the Swift-BAT detector can be assumed to view all
canonical GRBs with an isotropic equivalent luminosity Liso �
1050 erg cm−2 up to a redshift of z ∼ 1.3. Assuming that all
GRBs have identical properties in terms of neutrino emission
and that they follow the redshift evolution described by
Lien et al. (2014), the contribution from GRBs outside the
observable redshift threshold can be calculated using the pro-
cedure outlined in Ahlers & Halzen (2014). This results in òz

Figure 4. Time-integrated flux (at 1 TeV) for all short GRBs (brown) and the short GRBs split by northern and southern sky (violet and dark blue). The limits for all
2091 GRBs are shown in red for reference. Each dot indicates the 90% confidence limit for the given TW, and the dashed lines show the limit for the prompt.

Figure 5. Left: stacked limit on the quasi-diffuse flux (at 1 TeV) for all northern GRBs (dark blue) and all southern GRBs (violet). Right: stacked limit on the quasi-
diffuse flux for all long GRBs (dark blue) and the long GRBs split by northern and southern sky (violet and light blue). In both figures, the right axis presents this limit
as a fraction of the quasi-diffuse flux (Stettner 2019). The limits for all 2091 GRBs are shown in red for reference. Each dot indicates the 90% confidence limit for the
given TW, and the dashed lines show the limit for the prompt.
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• ν fluence from each component by one-zone model

Multi-component One-zone Model
19

Model EX PL PR Flare

Γ 10–30 30 1000 30

rdiss [cm] 1013–1014 3x1014 3x1013 3x1014

Eγ,pk 
[keV] 1—10 0.1 500 0.3

Eγiso [erg] 1051 3x1050 1051 3x1050

• Extended emission (EE):  
highest neutrino production efficiency 

• Low   or low   
→ high photon density  
→ high fluence φ

Γj rdiss

SSK et al. 2017

number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:

s
G =

G
= -

G GG

G

⎛
⎝⎜

⎞
⎠⎟( ) ( ( ))

( ( ))
( )F

dN
d

F
ln

exp
ln
2 ln

, 80
0

2

2

where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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• Optical counterpart detection in GW170817 
—> outflow/ejecta at BNS merger 

• 2-sec delay time between GW & γ-ray  
—> jet is launched sometime after merger 

• Jets need to propagate in ejecta 
—> Jet-ejecta interaction form shocks 

• Shock heated material surrounds jets 
—> Formation of cocoon

Formation of Cocoon
21

638 H. Hamidani and K. Ioka

Figure 5. Density maps showing the jet–cocoon system inside the ambient medium just before the jet breakout. Four models are shown (see Table 1), where the
top two models are for jet propagation in BNS merger ejecta (T03-H and T13-H), and the bottom two are for jet propagation in a stellar envelope (collapsar jets;
models A and B). The black filled square shows the inferred jet head radius rh by our semi-analytical model, and the two black filled circles show the inferred
cocoon’s lateral width rc. The ellipsoidal shape (solid black line) shows the jet–cocoon’s shape as predicted by our modelling (the semi-analytical solution).
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• Cocoon breaks out from the ejecta with jets 

• Cocoon is dense & filled with photons (thermal distribution with  K) 

• Cocoon can provide photons to prolonged jets 
—> enhances pγ interaction & inverse Compton scattering

T ∼ 104 − 105

Gamma-ray counterparts to GWs
22

cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
43

coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g

¢ ¢
¢d

d t
N N

N

t
, 1

e

e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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3.2. High-energy neutrino production

Non-thermal protons produce various secondary particles, including neutrinos,
through photohadronic interactions. The dominant channel of photohadronic in-
teractions in GRBs is pion production. The neutral pions decay to gamma-rays,
while charged pions decay to muons and neutrinos. Muons also decay to elec-
trons/positrons and neutrinos. We can write the decay chain as

p + γ → p(n) + πs, (18)

π+
→ µ+ + νµ, (19)

π−
→ µ− + νµ, (20)

µ+ → e+ + νe + νµ, (21)

µ− → e− + νe + νµ (22)

Neutrinos produced by the decay chain have a flavor ratio of (νe, νµ, ντ ) ∼ (1, 2, 0).
We expect this flavor ratio for most of astrophysical neutrino sources.

To calculate the neutrino spectrum, we need to know the pion production rate.
The cross-section of photomeson production, σpγ , is given as a function of the
photon energy in the proton-rest frame, εγ = γpεγ(1−βpµ), where γp = εp/(mpc2),
βp, εγ , µ = cos θp are the Lorentz factor of protons, the proton velocity, the photon
energy, and the angle between the directions of interacting proton and photon in the
comoving frame, respectively. The energy loss rate of a proton by pion production
is written as

t−1
pγ = c

∫

dΩ

∫

dεγ(1− βpµ)nγ(εγ , Ω)σpγ(εγ)κpγ(εγ), (23)

where nγ(εγ , Ω) = dN/(dεγdV dΩ) and κpγ(εγ) is the inelasticity of the photomeson
production process (i.e., the fraction of proton energy used to pion production per
interaction). This rate is approximately equivalent to the pion production rate.
Photons and non-thermal protons are expected to be isotropic in the comoving
frame. Then, the photomeson production rate is represented as75

t−1
pγ =

c

2γ2
p

∫ ∞

εth

dεγσpγκpγεγ

∫ ∞

εγ/(2γp)

dεγ
ε2γ

nεγ , (24)

where we use nγ(εγ , Ω) = nεγ/(4π), nεγ = dN/(dεγdV ), βp ∼ 1, and convert the
integration variable from µ to εγ .

3.2.1. Analytic estimates

Ref.67 provides the first prediction for high-energy neutrinos from GRBs using a
simple analytic expression. Considering the ∆-resonance process, the crosssection
and inelasticity are approximated to be76

σpγκpγ ≈ σpkκpk∆εpkδ(εγ − εpk) (25)

where σpk ∼ 5 × 10−28 cm−2, κpk ≃ 0.2, εpk ≃ 0.3 GeV are the crosssection,
inelasticity, and the photon energy at the resonance peak, ∆εpk ∼ 0.2 GeV is the
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We write the injection term as a power-law function with an
exponential cutoff:

⎛
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where Ṅnor is the normalization factor and g¢e,cut is the cutoff
energy. The normalization is determined so that

˙ò g g¢ ¢ = ¢g¢N m c d Le e e e,inj
2

,isoe
is satisfied. The cutoff energy is

given by balance between the acceleration and cooling
timescales. We estimate the acceleration time to be

( )g¢ » ¢ ¢t m c eBe eacc . As the cooling processes, we consider
the synchrotron, synchrotron-self Compton (SSC), and EIC
processes. The synchrotron cooling timescale is estimated to be

( )p g s¢ = ¢ ¢t m c B6 e e Tsyn
2 . The inverse Compton cooling rate is

written in Equations (2.48) and (2.56) in Blumenthal & Gould
(1970). We write the differential energy density of seed
photons for SSC as

( )( )
( )

p
¢ =

¢

e

e
¢

¢

g

gU
L

R c4
, 3ssc

syn

dis
2

where e ¢g is the seed photon energy and ( )¢
e ¢g

L syn is the

synchrotron differential luminosity (see Section 4). The seed
photons for EIC are the thermal photons in the cocoon boosted
by the jet’s relativistic motion:

( )
( ) ( )( ) p e

¢ = G
¢ G

-
e

g

e¢ ¢ Gg g
U

h c

8 1

exp 1
. 4j

j

k T

eic
3

3 3 j

B coc

In reality, the photon density and photon temperature in the jet
may be slightly lower than those in the cocoon, but we use the
photon field in the cocoon for simplicity. This does not strongly
affect our results as long as the jet is well collimated and filled
with thermal photons.
The left column of Figure 2 shows the cooling and

acceleration timescales for models of a typical extended
emission (EE) and plateau emission (PE), whose parameters
and resulting quantities are tabulated in Tables 1 and 2. Note
that we here assume a small Rdis compared to the previous
works (e.g., Toma et al. 2009; Kimura et al. 2017) such that

<R Rdis coc is satisfied. For the EE model, the EIC dominates
over the other loss processes for g¢ ´ 3 10e

3, while the
synchrotron is the most efficient above it due to strong Klein–
Nishina (KN) suppression. For the PE model, the adiabatic loss
is dominant for g¢  10e , EIC is efficient for

g< ¢ < ´10 6 10e
3, and synchrotron loss is relevant above it.

The resulting electron spectra are shown in the middle
column of Figure 2. For the EE model, the electron number
spectrum, g g¢ ¢dN de e

2 , shows a hardening for g¢ ´ 3 10e
3

due to the KN effect. For the PE model, the electron spectrum
is peaky because of the adiabatic loss below the injection
Lorentz factor and the cooling break above it. The cutoff
energies are g¢ ~ ´4 10e,cut

5 and 3×106 for the EE and PE
models, respectively. We also plot

( )( )e g g¢ ¢ = ¢ ¢ ¢
e¢

-L m c dN d te e e e
iso 2 2

cool
1

e
and ˙g¢N ,inje

in the figure.

The two spectra are almost identical for g g¢ > ¢
e m, which

confirms the convergence of the numerical integration and
iteration.

Figure 2. Timescales in the comoving frame (left), electron spectrum at the dissipation region in the comoving frame (middle), and photon spectrum in the engine
frame (right) for models of extended (top) and plateau (bottom) emissions. In the left column, the dashed, dotted, and solid lines show the cooling, dynamical, and
acceleration timescales. The thin dashed line is the synchrotron cooling timescale, while the thick-dashed line is the total cooling timescale. In the middle column, the
solid, dotted, and dashed lines depict the number spectrum, the injection spectrum, and the differential electron luminosity. In the right column, the thick and thin lines
are for the escape and intrinsic photon spectra. We plot the attenuated total (solid-black), attenuated and intrinsic synchrotron (blue dashed), cascade (magenta dotted–
dashed), attenuated SSC + EIC (red dotted), intrinsic EIC (orange dotted), and intrinsic SSC (green dotted) spectra.
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• Up-scattered kilonova (or cocoon) model  
produces GeV-TeV gamma-rays for 102 - 104 sec 

• Leptonic process emit strong γ-rays 
—>  γ-ray counterpart of GW event should be detected

Gamma-ray counterparts to GWs
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cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
43

coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g

¢ ¢
¢d

d t
N N

N

t
, 1

e

e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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explain the nondetection by LAT, and a detailed study remains
as a future work.

In contrast, the PE model is too faint to be detected by both
CTA and LAT for dL=4.4 Gpc except for ´T 7 10 sdur

3

by LAT. For dL=0.3 Gpc, LAT can detect the PEs for the
range of durations we investigate here. CTA can also detect the
PEs of Tdur<6×103 s, although it cannot detect the PEs of
shorter duration because of its high-energy threshold. Although
we focus only on the case with t b>coc coc, the EIC emission
may last longer, because the bulk of the merger ejecta
(kilonova/macronova) continues to provide seed photons to
the dissipation region.

6. Summary and Discussion

We have considered high-energy gamma-ray emission from
prolonged engine activities in SGRBs. We assume that the
prolonged jets dissipate their kinetic energy inside the cocoon
radius, which provides nonthermal electrons in the dissipation
region. The jet–ejecta interaction also produces copious
thermal photons, leading to high-energy gamma-ray emission
through the EIC process. The calculated photon spectrum is
consistent with the X-ray observation, and LAT and CTA can
detect gamma-ray counterparts to GWs for a duration of
102–105 s. Note that the counterparts by the prolonged engine
activities may not be accompanied by the prompt gamma-rays
as discussed in Xue et al. (2019) and Matsumoto & Kimura
(2018). Also, Fermi and/or CTA may be able to detect the
upscattered cocoon photons from the SGRBs that occur beyond
the GW detection horizon. Hence, the follow-up observations
should be performed for GWs without SGRBs and for SGRBs
without GWs.

The afterglow and prompt gamma-ray emissions of
GW170817 suggest that the jet is structured such that a fast
core is surrounded by a slower wing (e.g., Lazzati et al. 2018;
Lyman et al. 2018; Margutti et al. 2018; Xie et al. 2018; Ioka &
Nakamura 2019). If the prolonged jet is structured, the kinetic
luminosity at the edge needs to decrease faster than

µ G-Lk j,iso
2 in order to fill the jet core with the cocoon

photons. The slower edge emits photons to a wider angle,
which are reflected by the cocoon. Such photons will be
detectable as a wide-angle counterpart to GWs (Kisaka et al.
2015, 2018). Note that the high-energy gamma-rays are not
reflected but absorbed by the cocoon through the Bethe–Heitler
pair-production process. Thus, LAT or Cerenkov Telescopes
would have difficulty detecting the gamma-rays from off-axis
events, including GW170817.
The prolonged jets may have a lower Lorentz factor (Lamb

et al. 2019b; T. Matsumoto et al. 2019, in preparation). For the
EE model with G  40j , τj>1 is satisfied, so the nonthermal
particle acceleration does not occur. This condition can be
avoided in the jet edge where a kinetic luminosity can be lower,
although the emission from the jet edge cannot achieve the
observed X-ray luminosity for EEs. For the EE model with
Γj100, the GeV gamma-rays are attenuated in the dissipa-
tion region due to a higher photon density. In this case, if
protons are accelerated simultaneously, high-energy neutrinos
can be efficiently produced owing to the high target photon
density, as has been discussed for X-ray flares and EEs of
SGRBs (e.g., Murase & Nagataki 2006; Kimura et al. 2017).
Such neutrinos would be detectable in the planned next-
generation neutrino detector, IceCube-Gen2 (Aartsen et al.
2014). The detection of either high-energy gamma-rays or
neutrinos will unravel the Lorentz factor and jet composition,
or the nondetection will enable us to place a useful constraint
on the emission radius.
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Table 2
Values of the Model Parameters and Physical Quantities

Model Gj Lk,iso Rdis tdur tcoc τj Rcoc k TB coc ¢B LXRT
(erg s−1) (cm) (s) (cm) (eV) (G) (erg s−1)

Extended (EE) 200 1050.5 1012 102.5 ´5.3 104 4.6×10−2 3.0×1012 19 7.3×104 2.4×1047

Plateau (PE) 100 1048.5 1013 104 53 ´ -3.7 10 4 9.5×1013 0.92 1.5×103 1.7×1046

Figure 3. Gamma-ray fluxes in LAT (red solid) and CTA (blue dashed) bands.
The thick and thin lines are for dL=0.3 Gpc and dL=4.4 Gpc, respectively.
The red dashed and red dotted lines are the LAT upper limit for GW170817
with ∼103 s integration (Ajello et al. 2018) and 1 day integration (Murase
et al. 2018), respectively. The blue dotted line is the sensitivity of CTA for
eg 50 GeV for 5 hr integration (Cherenkov Telescope Array Consortium

et al. 2019).
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cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
43

coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g
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¢d

d t
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, 1
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e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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Neutrinos
p

• Protons interact with cocoon photons 
—> neutrinos @  GeVEν ∼ 105 − 107

• Detectable with 10-yr operation with  10-km3 detector 
—> Non-detection will put constraint
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Table 1. fiducial parameters

Parameters � tdur tlate LX,iso rdiss "�,pk
(s) (s) (erg/s) (cm) (keV)

Extended emission 200 300 300 1.2⇥ 1048 1012 10

X-ray flare 100 650 1300 1.0⇥ 1048 1013 0.3

Shared ↵ � pinj ✓j f� ⇠p ⇠B "X,min, "X,max dL

(keV) (Mpc)

�0.5 �2 2 0.1 0.03 10 0.33 0.3 , 10 (XRT) 1000

Figure 1. The cooling and acceleration rate for fiducial parameter of XF (left) and EE (right). Red solid line is acceleration
rate, blue thick (thin) solid line is t0�1

p�,coc (t0�1

p�,int), green dashed (dotted-dashed) line is t0�1

BH,coc (t0�1

BH,int), orange dotted-dashed

line is t0�1

ad
, and brawn dotted line is t0�1

syn .

Figure 2. The neutrino fluence for fiducial parameter of XF (left) and EE (right). Blue thick solid is for the fiducial parameters,
blue thin dashed line is the fluence without cocoon photons, and orange thin solid line is the fluence of non black body case
shown in Appendix A.
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• GeV gamma-ray detection ( 103-104 sec) 

• Standard forward shock model cannot emit  
observed gamma-ray flux 
(but, see Liu et al. 2022 for an alternative)
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limits of 10−14 erg s−1 cm−2 and 5 × 10−15 erg s−1 cm−2, respectively. A search 
for late radio afterglow emission was performed 35 d, 39 d and 77 d 
post-burst with the Karl G. Jansky Very Large Array (VLA) at frequen-
cies of 3 GHz, 6 GHz and 10 GHz. We did not detect any emission also 
at these frequencies. To fully characterize the afterglow emission 
of this source, we enriched our dataset with publicly available data 
from Swift X-ray Telescope (XRT), Swift Ultra-violet Optical Telescope 
(UVOT), and photometry from ground-based optical and infrared tel-
escopes (see Methods for details). We model radio-to-gigaelectronvolt 
observations within the standard afterglow scenario6, including 
synchrotron and synchrotron self-Compton (SSC) radiation from 
shock-accelerated circum-burst medium electrons. We also include a 
simple one-component model for the kilonova emission (Methods). 
The model fit is in good agreement with the optical and X-ray light 

curves, including the well constrained spectral shape of the soft X-ray 
emission and the very late epoch upper limits obtained with the VLA 
and XMM-Newton (Fig. 3).

The best-fit parameters of the afterglow suggest that the GRB jet is 
highly collimated (aperture angle θ ≈ 1.0j −0.3

+0.5  deg, 90% credible level) 
and it propagates in a rarefied circum-burst medium with a homogene-
ous number density n ≤ 8 × 10−5 cm−3 (95% credible upper limit), in 
agreement with what would be expected given the offset between this 
GRB and its host galaxy centre. The jet’s total kinetic energy (corrected 
for collimation) E = 1.0 × 10 ergjet −0.9

+6.0 50  is consistent with the amount 
of energy disposed in the jet formed from the BNS merger of GW170817 
(for example, ref. 30).

Despite the good spectral and timing description of the optical 
and X-ray data by the combined standard afterglow and the kilonova 
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Fig. 3 | Multi-wavelength light curves and spectra of GRB 211211A. a,b, Light 
curves (a) and SEDs (b) of GRB 211211A. Fluxes inferred from observations are 
shown by circles, squares or stars with 1σ error bars, and downward-pointing 
triangles indicate 3σ upper limits (multiplied by 103 in the case of radio 
observations). In b, butterfly-shaped symbols show 1σ flux confidence regions 

for Swift/XRT and Fermi/LAT. The solid lines show our best-fitting model, 
consisting of emission from the forward shock and a kilonova. The model radio 
light curves are multiplied by 103, consistent with the corresponding 
datapoints. The dotted lines single out the kilonova contribution. The SEDs are 
relative to the time bins marked with vertical grey bands in a.
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Fig. 4 | External inverse Compton model contribution. Same as Fig. 3, but with dashed lines showing the contribution from kilonova photons upscattered by the 
EIC process of relativistic electrons within a late-time, low-power jet, possibly sustained by fallback accretion on the merger remnant (Methods).
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facts. (1) As listed in Table 1, GRB 211211A exhibits a twice longer ME 
phase and a half shorter EE phase in comparison with GRB 060614 
(Fig. 1a). This makes GRB 211211A very different from the short main 
burst + extended emission pattern as observed in some type I GRBs.  
(2) Most type I GRBs have a relatively large ‘effective amplitude 
parameter’ feff, which suggests that the short duration is not due 
to a ‘tip-of-iceberg’ effect20. GRB 211211A, on the other hand, has a 
much smaller feff (Table 1), making it fall into the distribution of typi-
cal long-duration GRBs in the feff–T90 diagram (Methods and Fig. 2a), 
confirming its genuinely long-duration nature. By contrast, GRB 
060614 had a relatively large feff (Table 1), making it more resemble 
short-duration type I GRBs8. (3) Comparatively speaking, the spectra of 
GRB 211211A in both the ME and EE phases are much harder than those 
of GRB 060614 (Table 1). The fact that the ME of GRB 211211A is both 
longer and harder than that of GRB 060614 rules out any possibility that 
the two events are intrinsically similar but appear differently because 
of jet structure or viewing-angle effects. To summarize, GRB 211211A 

does not belong to an extreme version of short GRBs with extended 
emission (as GRB 060614 does). It pushes the envelope of type I GRBs 
to the genuinely long-duration regime.

The unique properties of GRB 211211A call for a new progenitor system 
that was not invoked to interpret standard short or long GRBs. First, the 
lack of a supernova explosion signature directly rules out the massive 
star core collapse interpretation. Second, whereas the approximately 
6-s ME duration for GRB 060614 may still allow it to belong to the short 
GRB category based on the T90 distribution, the approximately 13-s ME 
duration of GRB 211211A rejects it from the short GRB category beyond 
the 3σ level (Methods). For an accretion-powered engine, the dura-
tion of a burst should scale with the density of the progenitor star21.  

0

10

20

C
ou

nt
s 

pe
r s

ec
on

d
pe

r d
et

ec
to

r

a
BAT-GRB 211211A
BAT-GRB 060614

0

25,000

50,000

C
ou

nt
s 

pe
r s

ec
on

d

b
GBM-GRB 211211A
Main emission
Extended emission

0

200,000

400,000

A
cc

um
ul

at
ed

 c
ou

nt
sc

−10 0 10 20 30 40 50 60 70 80

0

1

2

−1.50

−1.25

−1.00

−0.75

D

d

0

1,000

2,000

E p 
(k

eV
)

e

10–4

Fl
ux

 (e
rg

 c
m

−2
 s

−1
)f

T – T0 (s)

C
ou

nt
s 

pe
r s

ec
on

d
pe

r d
et

ec
to

r

10–5

10–6

T90,GBM = 43.18+0.06 s–0.06

Fig. 1 | The temporal and spectral behaviours of GRB 211211A. a, The net light 
curves of GRB 211211A (magenta line) and GRB 060614 (black line) obtained 
from Swift/BAT data. For comparison, we reduce the trigger time of GRB 
060614 by 5 s. b, The net light curve of GRB 211211A obtained from Fermi/GBM 
data. The cyan and grey shaded areas represent main emission and extended 
emission phases, respectively. c, The accumulated counts (blue line) of the 
Fermi/GBM net light curve. The grey horizontal dashed (solid) lines are drawn 
at 5% (0%) and 95% (100%) of the total accumulated counts. The T90,GBM interval 
is marked by the grey vertical dashed lines. d–f, Evolution of spectral index α, 
peak energy Ep and energy flux. The Fermi/GBM net light curve (grey line) is 
plotted in the background as a reference. All error bars represent the 1σ 
confidence level.

Table 1 | Summary of the observed properties of GRB 211211A 
in comparison with GRB 060614 (refs. 4,9,20,32–34)

Observed properties GRB 211211A GRB 060614

Main emission

Duration (s) 13 6

Averaged variability (ms) 16 –

Spectral lag (ms)
−
+10 4

3 3 ± 6

Spectral index α − −
+0.996 0.005

0.005 − −
+1.57 0.14

0.12

Spectral index β − −
+2.36 0.02

0.02 –

Peak energy (keV)
−
+687.1 11.0

12.5
−
+302 85

214

Energy fluence (erg cm−2) × −
−
+3.77 10 4

0.01
0.01 × −

−
+8.19 10 6

2.52
0.56

Isotropic energy (erg) 5.30 1051
0.01
0.01 ×−

+ ×−
+3.18 1050

0.98
0.22

Extended emission

Duration (s) 55 100

Averaged variability (ms) 48 –

Spectral lag (ms) 5 5
5

−
+ 3 ± 9

Spectral index α − −
+0.97 0.04

0.03 −2.13 ± 0.05

Spectral index β − −
+2.02 0.02

0.01 –

Peak energy (keV)
−
+82.0 2.3

3.8 ≲20

Peak luminosity (erg s−1) ×−
+2.05 1050

0.06
0.06 –

Isotropic energy (erg) ×−
+2.26 1051

0.01
0.01 ×−

+1.27 1051
0.09
0.06

Whole burst

T90 (s)
−
+43.18 0.06

0.06 102 ± 5

Spectral lag (ms) 12 ± 10 –

feff parameter 1.24 ± 0.07 2.26 ± 0.23

Spectral index α − −
+1.20 0.01

0.01 –

Spectral index β 2.05 0.02
0.02− −

+ –

Peak energy (keV)
−
+399.3 16.1

14.0 10–100

Peak flux (erg cm−2 s−1) × −
−
+1.38 10 4

0.02
0.02 4.50 10 6

1.53
0.72 × −

−
+

Total fluence (erg cm−2) (5.42 ± 0.08) × 10−4 4.09 10 5
0.34
0.18 × −

−
+

Peak luminosity (erg s−1) ×−
+1.94 1051

0.03
0.03 1.74 1050

0.59
0.28 ×−

+

Isotropic energy (erg) (7.61 ± 0.11) × 1051 1.59 1051
0.13
0.07 ×−

+

Host galaxy

Redshift 0.076 0.125

Half-light radius (kpc) 0.91 0.87

Offset (kpc) 8.19 0.80

Normalized offset 9.02 1.09

Associations

Kilonova Yes Yes

Supernova No No



cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
43

coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g

¢ ¢
¢d

d t
N N

N

t
, 1

e

e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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• GeV gamma-ray detection ( 103-104 sec) 

• Standard forward shock model does not work 
(but, see Liu et al. 2022 ApJL) 

• Up-scattered kilonova (cocoon) model works 
—> Evidence of late-time engine?
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limits of 10−14 erg s−1 cm−2 and 5 × 10−15 erg s−1 cm−2, respectively. A search 
for late radio afterglow emission was performed 35 d, 39 d and 77 d 
post-burst with the Karl G. Jansky Very Large Array (VLA) at frequen-
cies of 3 GHz, 6 GHz and 10 GHz. We did not detect any emission also 
at these frequencies. To fully characterize the afterglow emission 
of this source, we enriched our dataset with publicly available data 
from Swift X-ray Telescope (XRT), Swift Ultra-violet Optical Telescope 
(UVOT), and photometry from ground-based optical and infrared tel-
escopes (see Methods for details). We model radio-to-gigaelectronvolt 
observations within the standard afterglow scenario6, including 
synchrotron and synchrotron self-Compton (SSC) radiation from 
shock-accelerated circum-burst medium electrons. We also include a 
simple one-component model for the kilonova emission (Methods). 
The model fit is in good agreement with the optical and X-ray light 

curves, including the well constrained spectral shape of the soft X-ray 
emission and the very late epoch upper limits obtained with the VLA 
and XMM-Newton (Fig. 3).

The best-fit parameters of the afterglow suggest that the GRB jet is 
highly collimated (aperture angle θ ≈ 1.0j −0.3

+0.5  deg, 90% credible level) 
and it propagates in a rarefied circum-burst medium with a homogene-
ous number density n ≤ 8 × 10−5 cm−3 (95% credible upper limit), in 
agreement with what would be expected given the offset between this 
GRB and its host galaxy centre. The jet’s total kinetic energy (corrected 
for collimation) E = 1.0 × 10 ergjet −0.9

+6.0 50  is consistent with the amount 
of energy disposed in the jet formed from the BNS merger of GW170817 
(for example, ref. 30).

Despite the good spectral and timing description of the optical 
and X-ray data by the combined standard afterglow and the kilonova 
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Fig. 3 | Multi-wavelength light curves and spectra of GRB 211211A. a,b, Light 
curves (a) and SEDs (b) of GRB 211211A. Fluxes inferred from observations are 
shown by circles, squares or stars with 1σ error bars, and downward-pointing 
triangles indicate 3σ upper limits (multiplied by 103 in the case of radio 
observations). In b, butterfly-shaped symbols show 1σ flux confidence regions 

for Swift/XRT and Fermi/LAT. The solid lines show our best-fitting model, 
consisting of emission from the forward shock and a kilonova. The model radio 
light curves are multiplied by 103, consistent with the corresponding 
datapoints. The dotted lines single out the kilonova contribution. The SEDs are 
relative to the time bins marked with vertical grey bands in a.

102 103 104 105 106 107

Post-trigger time (s)

10−15

10−13

10−11

10−9

10−7

QF
Q (

er
g 

s−1
 c

m
−2

)

SED1 SED2

SED3

SED4 SED5

LAT (0.1–1 GeV)
XRT (0.5–10 keV)
XMM (0.3–10 keV)
uvw2 filter
uvm2 filter
uvw1 filter
u filter
b filter
v filter
R filter
I filter
K filter
10 GHz (×103)

6 GHz (×103)

3 GHz (×103)

10–5 10–3 10–1 101 103 105 107

hQ (keV)

10–16

10–15

10–14

10–13

10–12

10–11

10–10

10–9

10–8

QF
Q (

er
g 

s–1
 c

m
–2

)

Forward shock + kilonova + EIC
Kilonova
EIC

a b

Fig. 4 | External inverse Compton model contribution. Same as Fig. 3, but with dashed lines showing the contribution from kilonova photons upscattered by the 
EIC process of relativistic electrons within a late-time, low-power jet, possibly sustained by fallback accretion on the merger remnant (Methods).
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cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
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coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g

¢ ¢
¢d

d t
N N

N

t
, 1

e

e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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GeV gamma-rays from GRB 211211A
27

• GeV gamma-ray detection ( 103-104 sec) 

• Standard forward shock model does not work 
(but, see Liu et al. 2022 ApJL) 

• Up-scattered kilonova (cocoon) model works 
—> Evidence of late-time engine?

T ∼
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We can constrain other parameters, such as dissipation radius
rdiss, more strongly than the previous study if we ignore the
dependence on Γj. The case with rdiss> 1012 cm will favor the
internal shock model or internal collision-induced magnetic
reconnection and turbulence (Zhang & Yan 2011; Zhang &
Kumar 2013), while the case with rdiss< 1012 cm would favor the
scenario of a dissipative photosphere (Rees & Mészáros 2005).

The detection of neutrinos from sGRBs will be a smoking-
gun signature of hadronic CR acceleration in the sGRB
environment. This can constrain the composition of the jet in
extended emission, i.e., whether prolonged jets are leptonic or
baryonic. Baryonic jets demand a baryon injection process into
them, such as neutron diffusion from neutron-rich matter
(Beloborodov 2003; Levinson & Eichler 2003), which is
thought to be the process of baryon injection into prompt jets.
In the phase of late-time emission, the mass accretion rate onto
the remnant object might be too low to form neutron-rich
material (e.g., Kohri et al. 2005). Magnetar models are often
discussed as a possible explanation of extended emissions only
by the leptonic process (Dai & Lu 1998). Neutrino observations
will potentially be able to rule out some leptonic models, which
will clarify the jet launching mechanism.

Abbasi et al. (2022) conclude that time-integrated fluences
300 s after the event for all northern sGRBs (183 events) are less
than 1× 10−1 GeV cm−2 in total by analyzing the correlation of
the GRB catalog detected by Swift or Fermi and IceCube data
sets. This means that the upper limit on the fluence from a single
sGRB is about 5× 10−4 GeV cm−2 on average. The data include
mostly the signals of sGRBs from cosmological distance, which is
not the focus of our study. If we assume that the redshifts of the
sGRBs analyzed in Abbasi et al. (2022) are typically about z∼ 0.5
(corresponding to dL∼ 3 Gpc), the upper limit on neutrino
luminosity becomes about 3× 1048 erg s−1. The neutrino lumin-
osity in our model, ∼5× 1047 erg s−1, is lower than the upper
limit and consistent with the IceCube data.

The high-energy gamma-ray observations also provide a test
for our model. The astrophysical neutrinos are inevitably
accompanied by gamma rays produced by π0 decay with a
similar energy and luminosity, because the reaction rate of π0

production is almost the same as that of π± production. However,
the peak energy of gamma rays is not 100 TeV–1 PeV, because
they will cascade into lower energies by interaction with low-

energy photons. The resulting peak of the escaped photon
spectrum is expected to be between a few MeV and a few GeV.
Gamma rays in this energy band will be detected by future
telescopes, such as eASTROGAM (De Angelis et al. 2017),
GRAMS (Aramaki et al. 2020), and AMEGO-X (Caputo et al.
2022). The multimessenger approach, using gamma-ray and
neutrino signals, will be a powerful tool to constrain the physical
conditions of the dissipation region.
Neutrino detection associated with GWs enables us to probe

phenomena that cannot be investigated by EM signals alone.
Choked jet systems, where jets fail to break out from the stellar
envelope or kilonova ejecta, are a good example (Murase &
Ioka 2013; Kimura et al. 2018). The threshold timescale in the
distribution of duration of prompt emissions of sGRBs indicates
the existence of such events (Moharana & Piran 2017).
Matsumoto & Kimura (2018) showed that a prolonged jet can
break out from the ejecta even if a prompt jet fails to penetrate it.
In such a scenario, we cannot observe the emission from prompt
jets but can observe the extended emission from prolonged jets.
X-ray observations found a few candidates for such a delayed
breakout event (Xue et al. 2019), but they are difficult to confirm.
Based on our model, we expect detection of neutrinos and GWs
from the delayed breakout event. Thus, GW–neutrino association
without prompt gamma rays would strongly support the scenario
of the delayed breakout. The event rate of choked jets is expected
to be approximately 0.4 times lower than that of successful
sGRBs (Sarin et al. 2022), although it can be increased by the
uncertainty of the event rate of sGRBs and BNS mergers. If the
fraction of choked jets is at the high end, the delayed breakout will
be a major component, and we will be able to detect much more
GW–neutrino association. Thus, GW–neutrino association can be
a powerful tool to probe the activity of the central engine.
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Appendix A
Analytic Explanation of Neutrino Spectra

In this appendix, we analytically estimate the neutrino fluence
when cocoon photons dominate over internal photons. If we
assume g , 4e e d e e= -p n p nm m( ) ( ) and g , ee e =m n( )

Figure 7. The chart of neutrino number from GRB 211211A. The orange
circles, orange diamonds, and green crosses indicate the parameters for

N0.2 < nm
¯ , N0.1 0.2< <nm

¯ , and N 0.1<nm
¯ , respectively. The red solid and

blue solid lines indicate the boundary for efficient pion production by internal
and cocoon photons, respectively. The red dashed line is the boundary for
efficient pion cooling, and the blue dashed line is the boundary for the shielding
of the cocoon photons. Red shaded and blue shaded regions are the areas of
parameter space where neutrinos are efficiently produced by internal and
cocoon photons, respectively.

Table 3
Expected Number of Neutrinos from GRB 211211A

rdis (cm) Γj = 20 Γj = 200 Γj = 2000

1013 4.1 × 10−1 5.3 × 10−3 9.1 × 10−7

1012 3.0 × 10−1 2.7 × 10−2 6.0 × 10−6

1011 1.2 × 10−1 7.5 × 10−2 8.2 × 10−1

1010 2.1 × 10−2 1.0 × 10−1 1.1 × 10−4
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In such a scenario, we cannot observe the emission from prompt
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X-ray observations found a few candidates for such a delayed
breakout event (Xue et al. 2019), but they are difficult to confirm.
Based on our model, we expect detection of neutrinos and GWs
from the delayed breakout event. Thus, GW–neutrino association
without prompt gamma rays would strongly support the scenario
of the delayed breakout. The event rate of choked jets is expected
to be approximately 0.4 times lower than that of successful
sGRBs (Sarin et al. 2022), although it can be increased by the
uncertainty of the event rate of sGRBs and BNS mergers. If the
fraction of choked jets is at the high end, the delayed breakout will
be a major component, and we will be able to detect much more
GW–neutrino association. Thus, GW–neutrino association can be
a powerful tool to probe the activity of the central engine.
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• Neutrinos may be useful  
to constrain late-jet parameters
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Neutrino and GW signatures from magnetar remnants of BNS mergers 3

will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth

dt
= Lsd �

Enth

R

dR

dt
�

Enth

t
neb

di↵

, (1)

dEth

dt
=

�
1�A

�Enth

t
neb

di↵

�
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R

dR

dt
�

Eth

t
ej

di↵

, (2)

dEB

dt
= "BLsd �

EB

R

dR

dt
, (3)

[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This
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discussed in Sec. IV. We discuss several related issues such
as the diffuse neutrino flux in Sec. V, and summarize our
results in Sec. VI.

II. PHYSICAL CONDITIONS OF THE SYSTEM

The ejecta of BNS mergers have a few components.
One is the dynamical ejecta that consist of the shock-heated
and/or tidally stripped material during the merger [59,60].
The remnant object of the merger can be a fast-spinning
hypermassive NS (HMNS) surrounded by a massive
accretion torus [61–63]. Both the HMNS and the accretion
torus produce outflows by the viscous and neutrino heating
processes [64,65]. These outflowing material becomes the
ejecta of macronova/kilonova of mass 0.01–0.05 M⊙. The
observations of GW170817 suggest two-component ejecta:
the fast-blue (∼0.3c) and the slow-red (∼0.1–0.2c) com-
ponents (see e.g., Refs [9,23,66]). When the HMNS loses
its angular momentum through GWemission and viscosity,
it collapses to a black hole, which may lead to the launch
of relativistic jets through Blandford-Znajek mechanism
[67–70]. The velocity fluctuations of jets make the internal
shocks [71], where the high-energy neutrinos are expected
to be produced [72,73]. The jets sweep up the ejecta
material during the propagation, forming a cocoon sur-
rounding the jet [30,74–78]. If the cocoon pressure is high,
it pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutrinos
[50]. In this study, following Ref. [50] for massive stellar
collapses, we discuss the neutrino emission from these two
sites. Note that we cannot expect particle acceleration at the
reverse and forward shocks of the jet head, because the
radiation constraint is satisfied there (see Sec. II B).
Figure 1 is the schematic picture of this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass Mej
and velocity βej. We assume a time lag between the ejecta
production and the jet launching, tlag ∼ 1 s, and a duration
of the jet production similar to that of typical SGRBs,

tdur ∼ 2 s. At the time when the jet production stops, the
ejecta radius is estimated to be

Rej ¼ cβejðtdur þ tlagÞ
≃ 3.0 × 1010βej;−0.48χlag;0.18tdur;0.3 cm; ð1Þ

where we use χlag ¼ 1þ tlag=tdur and notation Qx ¼ 10x in
appropriate unit [βej;−0.48 ¼ βej=ð0.33Þ, χlag;0.18 ¼ χlag=1.5,
and tdur;0.3 ¼ tdur=ð2sÞ]. Since the fast-blue component is
expected to be located in the polar region, we use
βej ≃ 0.33. This component may originate from the outflow
from the HMNS, so we assume the windlike density profile
of the ejecta:

ρej ¼
Mej

4πR3
ej

!
R
Rej

"−2
: ð2Þ

The dynamical ejecta can have a steeper density profile,
ρej ∝ R−3, and we do not discuss it for simplicity. We
consider the propagation of the jet whose isotropic equiv-
alent kinetic luminosity Lk;iso, Lorentz factor Γj, and
opening angle θj, which leads to the intrinsic jet kinetic
luminosity Lk;jet ¼ θ2jLk;iso=2 (the one-side jet luminosity
used in e.g., Refs. [76,77,79] is Lk;jet=2). At the down-
stream of the collimation shock, the jet moves along the jet
axis with the Lorentz factor Γcj ∼ θ−1j ∼ 3.3θ−1j;−0.52
(θj;−0.52 ¼ θj=0.3), which makes the shock Lorentz factor
Γrel-cs ≈ Γj=ð2ΓcjÞ ≃ 45Γj;2.48θj;−0.52 (Γj;2.48 ¼ Γj=300).
Taking into account the fact that Rej ∝ t, the jet head
position is estimated to be

Rh ¼ 2.2 × 1010L1=3
k;iso;51θ

−2=3
j;−0.52M

−1=3
ej;−2

× β1=3ej;−0.48t
4=3
dur;0.3χ

1=3
lag;0.18 cm; ð3Þ

where Lk;iso;51 ¼ Lk;iso=ð1051 erg s−1Þ, Mej;−2 ¼ Mej=
ð0.01M⊙Þ and we use the fitting formula of Ref. [79]
(see also Ref. [77]). This estimate of Rh is at the time of
the jet quenching, i.e., t ¼ tdur, where t ¼ 0 is the time
when the jet starts being launched. The collimation shock
forms at

Rcs ¼ 9.9 × 109L1=2
k;iso;51M

−1=2
ej;−2β

1=2
ej;−0.48t

3=2
dur;0.3χ

1=2
lag;0.18 cm;

ð4Þ

where we use the formula in Ref. [79] again. Note that the
pressure gradient that may exist in more realistic situations
leads to a collimation shock radius smaller than the estimate
above, especially if Rcs ≪ Rh [77], although this formula is
calibrated to match the results of numerical simulations.
In this sense, our setup could be optimistic, since we require
that the high-energy neutrino production occurs at radii
smaller than Rcs as we see later.

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.
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• BNS merger produce ejecta 
 —> Jet needs to propagate inside the ejecta 
 —> some prompt jet fails to penetrate the ejecta 
• Jets can dissipate energy inside the ejecta 
 —> sub-photosperic neutrino production
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29

lag time enables us to regard the envelope as static. In
particular, the jet head velocity is constant for the index of
k=2, which we assumed to derive Equation (10).

For a small jet luminosity, the jet breakout time gets longer
than Equation (10) due to a small jet head velocity. After the
lag time, the expansion of ejecta affects the jet head dynamics
by reducing the ejecta density and accelerating the jet head (see
Equation (2)). A much longer breakout time than the lag time is
inversely proportional to the jet luminosity t Lbr j,iso

1µ - . There is
a critical energy for a jet to break out of ejecta (Duffell
et al. 2018). For a conical jet, this energy is simply given by the
ejecta energy M c E L t2ej ej

2
j,iso j,iso2b ~( ) , which reasonably

reproduces our result t M L10 s2
ej, 2 ej, 0.5

2
,iso,48
12 b g- -

- . For a
collimated jet with a small ejecta mass in front of the jet head,
the required energy is smaller. In the Appendix, we derive an
analytical scaling law (Equation (26) and the black line in
Figure 2). Note that unless the ejecta expansion is taken into
account precisely, the breakout time is significantly over-
estimated except for the parameter dependence (compare
Kimura et al. 2018).

In particular, the jet breakout time for a small jet luminosity
should be compared with emission timescales of extended
(t 10 sem

2 3~ – ) and plateau emissions (t 10 sem
4 5~ – ). These

emission times are longer than the required breakout time and
guarantee that if these emissions are produced by jets, the jets
can break out of ejecta.

3. Observational Prospects

We discuss the observational prospects of the delayed
breakout events. In the following, we mainly consider that a
late jet producing an extended emission breaks out. By
combining a GW observation and follow-ups, we can check
whether or not a delayed jet breakout occurs for a binary
merger. First, such a combination tells us whether or not the
event is on-axis (Abbott et al. 2017; Finstad et al. 2018; Mandel
2018). For an on-axis event, a detection of prompt γ-rays tells

us the fate of its prompt jet. If we detect not a prompt emission
but an extended (plateau) emission-like signature i.e., a flat
light curve up to ∼102–3 s (104–5 s) and an abrupt shut down, it
strongly supports the theory that the late-time jet does punch
out a hole in the ejecta. Therefore, we should set X-ray
detectors to the merger event regardless of whether or not
prompt γ-rays are detected. In particular, because plateau
emissions last for a very long time, they can be a good target
for X-ray detectors such as the Swift X-ray Telescope (XRT)
and MAXI (Nakamura et al. 2014; Kisaka et al. 2017).

3.1. A Probe of Late-time Engine
Activity in Binary NS Mergers

Delayed-jet-breakout events can be a probe to study what
powers have extended and plateau emissions. Currently, the
origin of these long-lasting emissions is controversial, as there
are two representative models. One is the magnetar model
(Metzger et al. 2008; Bucciantini et al. 2012; Gompertz
et al. 2013, 2014; Rowlinson et al. 2013; Gibson et al. 2017),
where a long-lived magnetar powers energetic outflows
through the spin-down or propeller effect. The outflows
dissipate energy and power the emissions. The other is the
black hole (BH) model (Barkov & Pozanenko 2011; Nakamura
et al. 2014; Kisaka & Ioka 2015), in which the emissions are
produced by jets from a BH and accretion disk system fueled
by fallback matter (Rosswog 2007).
The delayed jet breakout requires a jet (or a collimated

outflow), so its detection is evidence that the extended or
plateau emission is produced by a jet. Some magnetar models
explain long-lasting emissions by rather isotropic magnetar
winds. The isotropic outflows cannot break out of ejecta by
themselves or produce detectable signals without a hole
punched out by a prompt jet. Therefore, the delayed jet
breakout strongly supports a BH jet or a mechanism to
collimate isotropic magnetar winds (Bucciantini et al. 2012).
The jet eventually collides with the interstellar medium

(ISM) and produces an afterglow. The total kinetic energy of
the late jet can be comparable to that of prompt jets in ordinary
sGRBs. However, its initial Lorentz factor may be lower than
that of normal sGRBs, which causes a different afterglow
emission. Such a jet decelerates at a longer timescale, and its
afterglow peaks at tdec∼3×105 s Ej, iso,51

1/3 n−4
−1/3Γ1

−8/3, where
Γ and n are the initial Lorentz factor and the ISM density
(Lamb & Kobayashi 2016). While X-ray and optical afterglows
may be dimmer than the following plateau and macronova
emissions, an identification of their peaks can be a probe of the
Lorentz factor of the late-time jet.

3.2. Event Rate

We estimate the event rate of the delayed jet breakout.
The binary–NS merger rate is evaluated as NSM* �
1550 Gpc yr1220

3220 3 1
-
+ - - by the observation of GW170817

(Abbott et al. 2017). The merger rate for on-axis events is
estimated by assuming the jet opening angle to be

2
54 Gpc yr

0.26 rad
. 11on

j
2

NSM 42
110 3 1 j

2

* *
q q

-
+ - -� �

⎛
⎝⎜

⎞
⎠⎟ ( )

The central value is larger than the local sGRB rate of
4.1 Gpc yr3 1- -� (Wanderman & Piran 2015), and supports the

hypothesis that many merger events produce choked jets. For
the Laser Interferometer Gravitational-Wave Observatory’s

Figure 2. Jet breakout times for various jet luminosities. Thick red dashed,
solid, and dashed–dotted curves show the breakout times for lag times
tlag=0.1, 1, and 10 s, respectively. The other parameters are βej=0.3,
θj=15°, M M10ej

2= -
:, and k=2. The jet and radiation luminosities are

related as L L,iso j,iso�=g g and 0.1� =g . Thin red solid curve denotes the result
for a conical jet (t 1 slag = ). The black line shows an analytical formula
(Equation (26)). The data points are taken from Zou et al. (2018; for prompt),
and Kisaka et al. (2017; extended and plateau emissions). Open circles show
the events with unknown redshift (assumed z=0.72).
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dense part is:

rc(r,q) = r0r
�2(

1
4
+ sin

3q) , (11)

where r0 is the normalization which is chosen for a total ejecta
mass Mc = 0.1M�. The velocity profile of the core is

vc(r) = vc,max

r

rc

, (12)

where vc,max = 0.2c is the maximal velocity of the core. The fast
tail density profile has a very steep power-law in v between vc,max

and ve j,max and its normalisation is chosen so its total mass is Me.
Where needed we add an exponential (in density) transition layer
between the core and the tail in order to have a continuous density
profile. The jet is injected into the ejecta with a delay of 0.8s for
a total working time of 1s and a total luminosity of L j = 2.6⇥
1051 erg s�1. The jet is injected with a specific enthalpy of 20 at an
opening angle of 0.7rad from a nozzle at the base of the grid with
a size of 108 cm.

We improve the resolution of the simulation in Kasliwal et al.
(2017) as follows. In the r-axis we use 3 patches, the innermost one
in the r-axis resolves the jet’s nozzle with 20 uniform cells from
r = 0 to r = 2⇥ 108 cm. The next patch stretches logarithmically
from r = 2⇥108 cm to r = 2⇥1010 cm with 800 cells, and the last
patch has 1200 uniform cells to r = 1.2⇥ 1012 cm. In the z-axis
we employ two uniform patches, one from zbeg = 4.5⇥ 108 cm to
z = 2⇥1010 cm with 800 cells, and the second to z = 1.2⇥1012 cm
with 1200 cells. In total the grid contains 2020⇥ 2000 cells, and
the simulation lasts 40 seconds.

5.1 Hydrodynamics

At t = 0.8s a jet is launched into the expanding ejecta, the jet is
wide and covering a solid angle of about 25% of the entire sphere.
A large fraction of the shocked material accumulates on top of the
jet head and cannot be evacuated as it is not in a causal contact
with the jet outer envelope (see top panel in figure 1). The wide jet
is not collimated, propagating roughly conically inside the core as
it shocks a significant fraction of it. After a total working time of 1s
the engine is turned off and within 0.5s the jet is choked just before
it emerges from the core ejecta depositing all the jet’s energy into
the cocoon. The cocoon then breaks out of the core into the low-
mass tail. No emission is released yet to the observer because to
the high optical depth of the tail, but due to its low density the
cocoon expands sideways and accelerate into the tail, in a way that
is almost similar to expansion in a vacuum. First light is emitted
upon the breakout of the cocoon from the fast ejecta tail (see bottom
panel in figure 1). In the specific simulation depicted in figure 1 the
shock breakout at q = 0.7 takes place at t = 6.2s at a radius of
1.3⇥ 1011 cm , corresponds to an observer time of ⇠ 1.8s after
the merger. At this point the shock is quasi-spherical and normal
to the surface, crossing most angles at similar times, leaving only
a fraction of unshocked ejecta around the equator. The velocity of
the gas right behind the shock upon breakout is G ⇡ 2.0, but soon
after the breakout it accelerates to G ⇡ 3.5.

5.2 g-rays

Turning now to our main results we consider the g-ray emission
of the cocoon’s shock breakout. As mentioned earlier this emis-
sion depends on all the parameters including those of the faster tail
that surround the main ejecta. We kept the jet and core parameters

Figure 1. Maps of the logarithmic energy density excluding the rest-mass
energy (left) in c.g.s units and logarithmic four velocity (right). The up-
per figure is taken before the breakout of the forward shock from the core
ejecta. Although the forward shock will break out, the jet material behind
the reverse shock will remain trapped inside and will be choked with the
termination of the engine. The lower figure is taken when the shock breaks
out of the tail at q = 0.7rad at t = 6.2s and r = 1.3⇥ 1011 cm. The shock
has a quasi-spherical shape, reaching most of the ejecta. (An animation is
available in the online journal.)

constant and checked the effect of the tail by considering several
configurations (without doing an exhaustive parameter phase space
search). We examined tail parameters in the following ranges: the
density power-law �(5�15), total mass (10�4�5⇥10�2)M� and
maximal velocity (0.5�0.85)c.

The outcome depends only on the parameters near the shock
upon breakout, which are determined by these initial conditions.
The light curves we obtained showed a large range of observed val-
ues, yet almost all light curves showed the expected common fea-
tures of low-luminosity (compared to the total ejecta energy), low
variability and hard to soft evolution. For the range of parameters
we considered we find a large variation in the luminosity, where
the peak luminosity varies between 1046 erg s�1 and 1049 erg s�1.
Most simulations have shown hard to soft evolution with two spec-
tral components. The ratio between the peaks of the two component
is typically a few and varies between simulations by about an order
of magnitude. The peak energy of the hard component is typically
a few hundred keV, but in extreme cases it exceeds 1MeV. The soft
component is typically lower than 100 keV but it may go under 1
keV in extreme cases. Smaller variations are seen in the duration
and the delay, where the observed duration varies between 0.5 s
and 4 s and the delay with respect to the merger between 1.5 and
4 s. The shape of the light curve also varies. Most have a fast rise

MNRAS 000, 1–13 (2017)
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• jet sweeps up ejecta —> shocks at jet head 

• cocoon surrounding the jet 
—> push the jet inward —>  collimation shocks 

• Velocity fluctuations in jet—> internal shocks 
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30

Ejecta

Cocoon

Collimation
shock
(CS)

internal shock
(IS)

γ
γ

p

p

SSK 2022

1010 cm

νν

Collimated 
Jet

Trans-ejecta Neutrinos

Jet Head



• jet sweeps up ejecta —> shocks at jet head 

• cocoon surrounding the jet 
—> push the jet inward —>  collimation shocks 

• Velocity fluctuations in jet—> internal shocks  

• Jet head: too dense to accelerate CR protons 

• Collimation shocks:  
too dense for pions to decay before  collisions 

• HE neutrinos are emitted  
only from internal Shock 

pπ

Schematic Picture & Shocks in choked jets
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• Neutrino spectrum is flat for E  1-100 TeV 

• If BNS merger rate is  Gpc-3 yr-1 
detectable by 10-yr operation with 10 km3 detectors

∼
103

Trans-ejecta neutrino spectrum
32

6

ergy range of our interest, where the contribution from
the leakage photons is more important than the prompt
photons. Note that these leakage photons have typically
higher photon energy, "� ⇠ 1�10 MeV, than the prompt
photons, resulting in the high neutrino flux around 1–100
TeV range. The maximum comoving proton energy is es-
timated to be 30 TeV for model A.

The pion cooling timescales are shown in the lower
panel of the figure. The adiabatic cooling is the most
e�cient for pions, and the critical energy is

"⇡,dyn ' 5.0Ris,9.99�
�1

j,2.48 TeV

' 5.0tvar,�4�j,2.48�
�2

rel-is,0.6 TeV. (13)

For low �j case with fixed tvar, the hadronic and syn-
chrotron coolings can be important due to their strong
�j dependence:

"⇡,syn' 6.1L�1/2
k,iso,51Ris,9.99�j,2.48�

�1/2
rel-is,0.6✏

�1/2
e,�1

⇠
�1/2
B,�1

TeV

' 6.1L�1/2
k,iso,51tvar,�4�

3

j,2.48�
�5/2
rel-is,0.6✏

�1/2
e,�1

⇠
�1/2
B,�1

TeV,(14)

"⇡p ' 16L�1

k,iso,51R
2

is,9.99�
2

j,2.48 TeV

' 16L�1

k,iso,51t
2

var,�4
�6

j,2.48�
�4

rel-is,0.6 TeV. (15)

Since the Lorentz factor at the emission region for the
internal shock case is high, �j ⇠ 300, we can expect a
high neutrino fluence at E⌫ > 10 TeV.

IV. TRANS-EJECTA NEUTRINOS FROM THE
INTERNAL SHOCKS

A. Neutrino fluences

Since the collimation shocks produce lower energy
neutrinos that are not suitable for detection by Ice-
Cube, we focus on the neutrino emissions from the in-
ternal shocks. For cosmic rays at the internal shock,
we use the approximation that a fraction ✏p of the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock acceler-
ation spectrum with an exponential cuto↵, dN iso

p /dEp /
E

�2

p exp(�Ep/Ep,max), the non-thermal proton spectrum
is approximated as

E
2

p

dN
iso

p

dEp
⇡ ✏p(�rel-is � 1)E iso

k

ln(Ep,max/Ep,min)
exp

✓
� Ep

Ep,max

◆

⇡ ⇠accE iso

rad

ln(Ep,max/Ep,min)
exp

✓
� Ep

Ep,max

◆
,(16)

where E iso

k ⇡ Lk,isotdur is the isotropic equivalent ki-
netic energy, ⇠acc is the barion loading factor, E iso

rad
is

the isotropic equivalent radiation energy, Ep,max and
Ep,min are the maximum and minimum energy of the non-
thermal protons at the observer frame, respectively. To
convert ✏p and E iso

k to ⇠acc and E iso

rad
, we use ⇠acc ⇡ ✏p/✏rad

and E iso

rad
⇡ ✏rad(�rel-is � 1)E iso

k . We use Ep,min ⇡
�j�rel-ismpc

2 and Ep,max = �j"p,max is obtained by

FIG. 5. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and moderate
(model B: dashed line) cases for an on-axis observer with
dL = 300 Mpc. The precursor neutrino fluence from the suc-
cessful jet (model C: dotted line) is also shown.

the balance between the acceleration and cooling, i.e.,
tp,acc ⇡ tp,cl. In this work, we set ✏p = 0.3, �rel-is = 4,
and E iso

rad
⇡ E iso

k , which results in ⇠acc ⇠ 1. This value of
✏p is consistent with previous particle-in-cell (PIC) sim-
ulations (e.g. [70]). To explain ultrahigh-energy cosmic
rays (UHECRs) by long GRBs, ⇠acc & 10 is required (e.g.,
[71]). However, this value may be too optimistic for sub-
photospheric emission, and ⇠acc ⇠ 1�3 has also been used
in the literature (e.g., [36, 39, 42]). Note that we cannot
constrain ✏p by the observations, since the normalization
of the signals also depends on �rel-is and ✏rad.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as

E
2

⌫⇡
µ

dN
iso
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dE⌫⇡
µ

⇡
✓
1

8
fp� +

1
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f⇡,supE

2

p

dN
iso

p

dEp
, (17)

where fp� = t
�1

p� /t
�1

p,cl and fpp = t
�1

pp /t
�1

p,cl are the neutrino
production e�ciency through photomeson production
and inelastic pp collision, respectively, and the subscript
⌫
⇡
µ indicates the muon neutrinos produced from pions.
The muons decay to neutrinos and electrons/positrons,
whose spectrum is represented as

E
2

⌫e

dN
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µ

, (18)

where fµ,sup = 1 � exp(�t
�1

µ,dec/t
�1

µ,cl) is the suppression

factor by the muon cooling, t�1

µ,cl = t
�1

µ,syn + t
�1

dyn
, and the

subscript ⌫µµ indicates the muon neutrinos produced from
muons. These muon neutrinos and electron neutrinos
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ergy range of our interest, where the contribution from
the leakage photons is more important than the prompt
photons. Note that these leakage photons have typically
higher photon energy, "� ⇠ 1�10 MeV, than the prompt
photons, resulting in the high neutrino flux around 1–100
TeV range. The maximum comoving proton energy is es-
timated to be 30 TeV for model A.

The pion cooling timescales are shown in the lower
panel of the figure. The adiabatic cooling is the most
e�cient for pions, and the critical energy is
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For low �j case with fixed tvar, the hadronic and syn-
chrotron coolings can be important due to their strong
�j dependence:
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Since the Lorentz factor at the emission region for the
internal shock case is high, �j ⇠ 300, we can expect a
high neutrino fluence at E⌫ > 10 TeV.
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A. Neutrino fluences

Since the collimation shocks produce lower energy
neutrinos that are not suitable for detection by Ice-
Cube, we focus on the neutrino emissions from the in-
ternal shocks. For cosmic rays at the internal shock,
we use the approximation that a fraction ✏p of the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock acceler-
ation spectrum with an exponential cuto↵, dN iso
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netic energy, ⇠acc is the barion loading factor, E iso
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the isotropic equivalent radiation energy, Ep,max and
Ep,min are the maximum and minimum energy of the non-
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FIG. 5. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and moderate
(model B: dashed line) cases for an on-axis observer with
dL = 300 Mpc. The precursor neutrino fluence from the suc-
cessful jet (model C: dotted line) is also shown.

the balance between the acceleration and cooling, i.e.,
tp,acc ⇡ tp,cl. In this work, we set ✏p = 0.3, �rel-is = 4,
and E iso
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k , which results in ⇠acc ⇠ 1. This value of
✏p is consistent with previous particle-in-cell (PIC) sim-
ulations (e.g. [70]). To explain ultrahigh-energy cosmic
rays (UHECRs) by long GRBs, ⇠acc & 10 is required (e.g.,
[71]). However, this value may be too optimistic for sub-
photospheric emission, and ⇠acc ⇠ 1�3 has also been used
in the literature (e.g., [36, 39, 42]). Note that we cannot
constrain ✏p by the observations, since the normalization
of the signals also depends on �rel-is and ✏rad.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as
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p,cl are the neutrino
production e�ciency through photomeson production
and inelastic pp collision, respectively, and the subscript
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µ indicates the muon neutrinos produced from pions.
The muons decay to neutrinos and electrons/positrons,
whose spectrum is represented as
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where fµ,sup = 1 � exp(�t
�1

µ,dec/t
�1

µ,cl) is the suppression

factor by the muon cooling, t�1

µ,cl = t
�1

µ,syn + t
�1

dyn
, and the

subscript ⌫µµ indicates the muon neutrinos produced from
muons. These muon neutrinos and electron neutrinos

dL=300 Mpc

SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
2

diss
2 , and ò e e e=g e

e
g g g g

g

g ( )U d dn d
m

M

,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:
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The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
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2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by
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where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be
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where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p

-2.6 10 8 s) and = +p p
- - -t t t,cool
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,syn
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1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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Note that the temperature and radiation energy density
in the collimation jet is independent of both Liso and Γj .

In the collimation jet, np ≈ ncj and B ≈
√

8πξBaT 4,
where ξB is the ratio of the magnetic field energy density
to the radiation energy density.

We plot the timescales for the collimation shock in the
upper panel of Figure 2, and tabulate the parameters in
Table I. We do not show other relevant timescales, such
as the advection time tadv = Rh/(cΓcj) and tp,syn be-
cause they are much longer. We can see that the Bethe-
Heigler process suppresses the pion production for 0.01
TeV ! εp ! 1 TeV, while the pion production efficiency is
almost unity above εp "1 TeV. The maximum energy of
the protons εp ≃ 3.1× 102 TeV. However, the pion cool-
ings are significant for επ " 0.1 TeV due to the high den-
sity and the strong magnetic field in the collimation jet.
The critical energies at which synchrotron and hadronic
processes become important are estimated to be επ,syn ≃
0.062θ−1

j,0.3M
−1/2
ej,−2β

1/2
ej,0.33t

3/2
dur,2χ

1/2
lag,1.5ξ

−1/2
B,−1 TeV (ξB,−1 =

ξB/0.1) and εpπ ≃ 0.50θ−1
j,0.3Γj,300βj,0.33M

−1
ej,−2t

3
dur,2 TeV,

respectively. Since the Lorentz factor of the emission re-
gion is small, Γcj ∼ 3.3, we cannot expect high-energy
neutrinos of Eν > 10 TeV. This makes it difficult to
detect the high-energy neutrinos from the collimation
shocks near future.

2. Internal shocks

In the internal shocks, we expect two types of the tar-
get photons. One is the leakage photons from the col-
limation jet, and the other is the prompt photons from
the non-thermal electrons produced at the internal shock.
For the leakage photons, we assume that the escape frac-
tion is τ−1

cj ∼ Γcj/(ncjσTRcs). Then, the leakage pho-
ton density is Γj/(2Γcjτcj) times the photon density in
the collimation jet, where the factor Γj/(2Γcj) represents
the Lorentz boost. The energy of the leakage photons
is also boosted by Γj/(2Γcj). For the prompt photons,
we assume that a fraction ϵe of the thermal energy in
the downstream is converted to the non-thermal pho-
ton energy, Uγ ≈ ϵe(Γrel − 1)njmpc2, and use the bro-
ken power-law spectrum, dnγ/dεγ ∝ ε−α1

γ (ε−α2
γ ) for

εγ < εγ,pk (εγ > εγ,pk). The magnetic field at the in-
ternal shock is estimated to be B =

√
8πξBUγ .

In the bottom panel of Figure 2, we plot the inverse of
timescales for model A whose parameters are tabulated
in Table I. The photomeson production is the dominant
cooling process in the energy range of our interest, where
the contribution from the leakage photons is more impor-
tant than the prompt photons. Note that these leakage
photons have typically higher photon energy, εγ ∼ 1−10
MeV, than the prompt photons, resulting in the high
neutrino flux around 1–100 TeV range. The maximum
comoving proton energy is 30 TeV. The pions cooling is
not essential in this parameter set. The adiabatic cool-
ing is the most efficient for pions, and the critical energy

FIG. 3. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and conservative
(model B: dashed line) cases.

is επ,dyn ≃ 5.0tvar,−4Γj,300Γ
−2
rel,4 TeV. For low Γj case,

the hadronic cooling can be important due to their very
strong Γj dependence: εpπ ≃ 16L−1

iso,51t
2
var,−4Γ

6
j,300Γ

−4
rel,4

TeV. Since the Lorentz factor at the emission region for
the internal shock case is high, we can expect much higher
neutrino fluence at Eν > 10 TeV.

B. Neutrinos from the internal shocks

Since the collimation shock cannot produce the neu-
trinos of Eν > 10 TeV efficiently, we focus on the neu-
trino emissions from the internal shocks. For cosmic
rays at the internal shock, we consider that all the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock accel-
eration spectrum with an exponential cutoff, dN/dEp ∝
E−2

p exp(−Ep/Ep,max), the non-thermal proton spectrum
is approximated to be

E2
p
dN

dEp
≈ (Γrel − 1)Eiso

ln(Ep,max/Ep,min)
exp

(
− Ep

Ep,max

)
, (13)

where Eiso ≈ Lisotdur is the isotropic equivalent kinetic
energy, Ep,max and Ep,min are the maximum and mini-
mum energy of the non-thermal protons at the observer
frame, respectively. We use Ep,min ≈ ΓjΓrelmpc2 and
Ep,max = Γjεp,max is obtained by the balance between
the acceleration and cooling, i.e., tp,acc ≈ tp,cl.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as

E2
π−νµ

dNπ−νµ

dEπ−νµ

≈
(
1

8
fpγ +

1

6
fpp

)
fπ,supE

2
p
dNp

dEp
., (14)

where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neu-

trino production efficiency through photomeson produc-

SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
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diss
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m
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,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:

> º + + g
- - - - - ( )t t t t t . 1p p pacc

1
,cool
1

dyn
1

,syn
1 1

The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
2

diss
2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by
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where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be
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where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p
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1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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E2
p

dN
dE

=
ϵpEk,iso

ln(Ep,max/Ep,min)

discussed in Sec. IV. We discuss several related issues such
as the diffuse neutrino flux in Sec. V, and summarize our
results in Sec. VI.

II. PHYSICAL CONDITIONS OF THE SYSTEM

The ejecta of BNS mergers have a few components.
One is the dynamical ejecta that consist of the shock-heated
and/or tidally stripped material during the merger [59,60].
The remnant object of the merger can be a fast-spinning
hypermassive NS (HMNS) surrounded by a massive
accretion torus [61–63]. Both the HMNS and the accretion
torus produce outflows by the viscous and neutrino heating
processes [64,65]. These outflowing material becomes the
ejecta of macronova/kilonova of mass 0.01–0.05 M⊙. The
observations of GW170817 suggest two-component ejecta:
the fast-blue (∼0.3c) and the slow-red (∼0.1–0.2c) com-
ponents (see e.g., Refs [9,23,66]). When the HMNS loses
its angular momentum through GWemission and viscosity,
it collapses to a black hole, which may lead to the launch
of relativistic jets through Blandford-Znajek mechanism
[67–70]. The velocity fluctuations of jets make the internal
shocks [71], where the high-energy neutrinos are expected
to be produced [72,73]. The jets sweep up the ejecta
material during the propagation, forming a cocoon sur-
rounding the jet [30,74–78]. If the cocoon pressure is high,
it pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutrinos
[50]. In this study, following Ref. [50] for massive stellar
collapses, we discuss the neutrino emission from these two
sites. Note that we cannot expect particle acceleration at the
reverse and forward shocks of the jet head, because the
radiation constraint is satisfied there (see Sec. II B).
Figure 1 is the schematic picture of this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass Mej
and velocity βej. We assume a time lag between the ejecta
production and the jet launching, tlag ∼ 1 s, and a duration
of the jet production similar to that of typical SGRBs,

tdur ∼ 2 s. At the time when the jet production stops, the
ejecta radius is estimated to be

Rej ¼ cβejðtdur þ tlagÞ
≃ 3.0 × 1010βej;−0.48χlag;0.18tdur;0.3 cm; ð1Þ

where we use χlag ¼ 1þ tlag=tdur and notation Qx ¼ 10x in
appropriate unit [βej;−0.48 ¼ βej=ð0.33Þ, χlag;0.18 ¼ χlag=1.5,
and tdur;0.3 ¼ tdur=ð2sÞ]. Since the fast-blue component is
expected to be located in the polar region, we use
βej ≃ 0.33. This component may originate from the outflow
from the HMNS, so we assume the windlike density profile
of the ejecta:

ρej ¼
Mej

4πR3
ej

!
R
Rej

"−2
: ð2Þ

The dynamical ejecta can have a steeper density profile,
ρej ∝ R−3, and we do not discuss it for simplicity. We
consider the propagation of the jet whose isotropic equiv-
alent kinetic luminosity Lk;iso, Lorentz factor Γj, and
opening angle θj, which leads to the intrinsic jet kinetic
luminosity Lk;jet ¼ θ2jLk;iso=2 (the one-side jet luminosity
used in e.g., Refs. [76,77,79] is Lk;jet=2). At the down-
stream of the collimation shock, the jet moves along the jet
axis with the Lorentz factor Γcj ∼ θ−1j ∼ 3.3θ−1j;−0.52
(θj;−0.52 ¼ θj=0.3), which makes the shock Lorentz factor
Γrel-cs ≈ Γj=ð2ΓcjÞ ≃ 45Γj;2.48θj;−0.52 (Γj;2.48 ¼ Γj=300).
Taking into account the fact that Rej ∝ t, the jet head
position is estimated to be

Rh ¼ 2.2 × 1010L1=3
k;iso;51θ

−2=3
j;−0.52M

−1=3
ej;−2

× β1=3ej;−0.48t
4=3
dur;0.3χ

1=3
lag;0.18 cm; ð3Þ

where Lk;iso;51 ¼ Lk;iso=ð1051 erg s−1Þ, Mej;−2 ¼ Mej=
ð0.01M⊙Þ and we use the fitting formula of Ref. [79]
(see also Ref. [77]). This estimate of Rh is at the time of
the jet quenching, i.e., t ¼ tdur, where t ¼ 0 is the time
when the jet starts being launched. The collimation shock
forms at

Rcs ¼ 9.9 × 109L1=2
k;iso;51M

−1=2
ej;−2β

1=2
ej;−0.48t

3=2
dur;0.3χ

1=2
lag;0.18 cm;

ð4Þ

where we use the formula in Ref. [79] again. Note that the
pressure gradient that may exist in more realistic situations
leads to a collimation shock radius smaller than the estimate
above, especially if Rcs ≪ Rh [77], although this formula is
calibrated to match the results of numerical simulations.
In this sense, our setup could be optimistic, since we require
that the high-energy neutrino production occurs at radii
smaller than Rcs as we see later.

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.
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will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth
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= Lsd �

Enth
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dR

dt
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di↵

, (1)
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ej
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, (2)

dEB

dt
= "BLsd �

EB

R

dR

dt
, (3)

[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This
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discussed in Sec. IV. We discuss several related issues such
as the diffuse neutrino flux in Sec. V, and summarize our
results in Sec. VI.

II. PHYSICAL CONDITIONS OF THE SYSTEM

The ejecta of BNS mergers have a few components.
One is the dynamical ejecta that consist of the shock-heated
and/or tidally stripped material during the merger [59,60].
The remnant object of the merger can be a fast-spinning
hypermassive NS (HMNS) surrounded by a massive
accretion torus [61–63]. Both the HMNS and the accretion
torus produce outflows by the viscous and neutrino heating
processes [64,65]. These outflowing material becomes the
ejecta of macronova/kilonova of mass 0.01–0.05 M⊙. The
observations of GW170817 suggest two-component ejecta:
the fast-blue (∼0.3c) and the slow-red (∼0.1–0.2c) com-
ponents (see e.g., Refs [9,23,66]). When the HMNS loses
its angular momentum through GWemission and viscosity,
it collapses to a black hole, which may lead to the launch
of relativistic jets through Blandford-Znajek mechanism
[67–70]. The velocity fluctuations of jets make the internal
shocks [71], where the high-energy neutrinos are expected
to be produced [72,73]. The jets sweep up the ejecta
material during the propagation, forming a cocoon sur-
rounding the jet [30,74–78]. If the cocoon pressure is high,
it pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutrinos
[50]. In this study, following Ref. [50] for massive stellar
collapses, we discuss the neutrino emission from these two
sites. Note that we cannot expect particle acceleration at the
reverse and forward shocks of the jet head, because the
radiation constraint is satisfied there (see Sec. II B).
Figure 1 is the schematic picture of this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass Mej
and velocity βej. We assume a time lag between the ejecta
production and the jet launching, tlag ∼ 1 s, and a duration
of the jet production similar to that of typical SGRBs,

tdur ∼ 2 s. At the time when the jet production stops, the
ejecta radius is estimated to be

Rej ¼ cβejðtdur þ tlagÞ
≃ 3.0 × 1010βej;−0.48χlag;0.18tdur;0.3 cm; ð1Þ

where we use χlag ¼ 1þ tlag=tdur and notation Qx ¼ 10x in
appropriate unit [βej;−0.48 ¼ βej=ð0.33Þ, χlag;0.18 ¼ χlag=1.5,
and tdur;0.3 ¼ tdur=ð2sÞ]. Since the fast-blue component is
expected to be located in the polar region, we use
βej ≃ 0.33. This component may originate from the outflow
from the HMNS, so we assume the windlike density profile
of the ejecta:

ρej ¼
Mej

4πR3
ej

!
R
Rej

"−2
: ð2Þ

The dynamical ejecta can have a steeper density profile,
ρej ∝ R−3, and we do not discuss it for simplicity. We
consider the propagation of the jet whose isotropic equiv-
alent kinetic luminosity Lk;iso, Lorentz factor Γj, and
opening angle θj, which leads to the intrinsic jet kinetic
luminosity Lk;jet ¼ θ2jLk;iso=2 (the one-side jet luminosity
used in e.g., Refs. [76,77,79] is Lk;jet=2). At the down-
stream of the collimation shock, the jet moves along the jet
axis with the Lorentz factor Γcj ∼ θ−1j ∼ 3.3θ−1j;−0.52
(θj;−0.52 ¼ θj=0.3), which makes the shock Lorentz factor
Γrel-cs ≈ Γj=ð2ΓcjÞ ≃ 45Γj;2.48θj;−0.52 (Γj;2.48 ¼ Γj=300).
Taking into account the fact that Rej ∝ t, the jet head
position is estimated to be

Rh ¼ 2.2 × 1010L1=3
k;iso;51θ

−2=3
j;−0.52M

−1=3
ej;−2

× β1=3ej;−0.48t
4=3
dur;0.3χ

1=3
lag;0.18 cm; ð3Þ

where Lk;iso;51 ¼ Lk;iso=ð1051 erg s−1Þ, Mej;−2 ¼ Mej=
ð0.01M⊙Þ and we use the fitting formula of Ref. [79]
(see also Ref. [77]). This estimate of Rh is at the time of
the jet quenching, i.e., t ¼ tdur, where t ¼ 0 is the time
when the jet starts being launched. The collimation shock
forms at

Rcs ¼ 9.9 × 109L1=2
k;iso;51M

−1=2
ej;−2β

1=2
ej;−0.48t

3=2
dur;0.3χ

1=2
lag;0.18 cm;

ð4Þ

where we use the formula in Ref. [79] again. Note that the
pressure gradient that may exist in more realistic situations
leads to a collimation shock radius smaller than the estimate
above, especially if Rcs ≪ Rh [77], although this formula is
calibrated to match the results of numerical simulations.
In this sense, our setup could be optimistic, since we require
that the high-energy neutrino production occurs at radii
smaller than Rcs as we see later.

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.
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Figure 2. Time evolution of the non-thermal (solid purple), thermal (dashed sea-green), and magnetic (dot-dashed dark yellow)
energies, along with the initial spin period (tsd) (dashed blue), tnebdi↵,0 (dashed red), and tejdi↵,0 (dashed green) timescales. The left

panel shows the fiducial case with parameters given by Bd = 1014 G, Mej = 0.03 M�, Pi = 3 ms, and v0 = 0.2 c, while the right
panel shows the most optimistic (neutrino-e�cient) scenario with the parameters given by Bd = 2.5 ⇥ 1013 G, Mej = 0.1 M�,
Pi = 1 ms, and v0 = 0.1 c.

rate of energy injection gives the spin-down luminosity
(Lsd) (Ostriker & Gunn 1969)

Lsd = ↵
µ
2⌦4

c3
= 7.13⇥ 1045 erg s�1

✓
Bd

1014 G

◆2

✓
Pi

0.003 s

◆�4 ✓
1 +

t

tsd

◆�2

(4)

where µ = BdR
3

⇤ denotes the magnetic dipole moment,
Bd is the surface equatorial dipole field, and ↵ is a pa-
rameter to account for the inclination angle between the
rotation and magnetic axes. In general, for an aligned
case ↵ = 1. The above expression for the spin-down
luminosity assumes force-free electrodynamics (Gruzi-
nov 1999; Blandford 2002), which only holds if the elec-
tromagnetic energy density is greater than the plasma
pressure and inertia and when the plasma drift velocity
is subluminal, E

2
 B

2 (Spitkovsky 2006). The vio-
lation of the latter condition can lead to instabilities
and the force-free equations can no longer be used. The
spin-down time can be given by the ratio of the rota-
tional energy (Erot) and the initial spin-down luminosity
(Lsd(t = 0)),

tsd = 5.63⇥ 105 s

✓
Bd

1014 G

◆�2 ✓
Pi

0.003 s

◆2

(5)

The magnetic field in the nebular region is amplified
by some dissipation process, such as shocks. This is in-
corporated in our formalism using "B in equation (3),
where the nebular magnetization is given by "B . We
choose "B ⇠ 10�2 similar to what was found in axisym-
metric two-dimensional numerical simulations to model

the Crab Nebula observations (Komissarov & Lyubarsky
2003; Del Zanna et al. 2004; Bogovalov et al. 2005). This
value has uncertainties associated with it (see Komis-
sarov 2013 for details).
The work done by the nebula on the ejecta a↵ects the

outward expansion of the nebula-ejecta system. The ki-
netic energy of the ejecta (Ekin) depends on the thermal
and non-thermal emissions and is given by

d

dt
Ekin =

d

dt

⇥
Mejc

2(�ej � 1)
⇤
=

v

R
(Enth + Eth + EB) ,

(6)
where Mej is the mass of the ejecta, c is the speed of
light, �ej is the Lorentz factor associated with the ejecta,
v = dR/dt, is the velocity of the ejecta. This work done
by the nebula on the ejecta acts as a sink for both the
thermal and non-thermal energies, accounting for the
second term in equations (1), (2), and (3). Note that
in this case and for this work we account for relativistic
corrections to the relevant quantities, which was ignored
in Fang & Metzger (2017). The mean radius evolves as

R(t) = Rinit +

Z t

tin

dt
0
v , (7)

where, Rinit and tin are the initial mean radius and time
respectively.
The internal energy of the nebula is dominated by the

photons in the nebula, and the magnetic field in the neb-
ula provide a sub-dominant contribution. The internal
energy of the nebula under these conditions is given by
Eneb = 3pV , where p and V are nebular pressure and
volume respectively. The magnetic field strength (Bneb)

• BNS Merger may leave a magnetar as a remnant 
• Magnetar spin-down energy will be deposited to ejecta 
• Protons are loaded into the nebula —> neutrino production 
• Efficient neutrino production (10 - 100 PeV) for T > 106 s 
• Detectable by 30-yr operation with 10 km3 detectors
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will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth

dt
= Lsd �

Enth

R

dR

dt
�

Enth

t
neb

di↵

, (1)

dEth

dt
=

�
1�A

�Enth

t
neb

di↵

�
Eth

R

dR

dt
�

Eth

t
ej

di↵

, (2)

dEB

dt
= "BLsd �

EB

R

dR

dt
, (3)

[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This
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will be discussed in a separate work (Mukohpadhyay &
Kimura 2024).
The nebula (ionized ejecta) is surrounded by the neu-

tral ejecta, shown in grey in the figure. We consider
an approximate e↵ective boundary between the nebular
and the ejecta region denoted by the dashed light blue
line in the figure. The nebula and the ejecta expand
outwards with some Lorentz factor �ej and the radial
distance from the center is given by R(t). The ejecta
region can either reflect or absorb the photons from the
nebular region. This depends on the albedo and opac-
ity of the ejecta which in turn depends on its ionization
state. The fraction of photons that are reflected back are
denoted by solid green arrows in the figure. The fraction
that is absorbed is shown as curly dark red arrows. The
absorbed photons then su↵er attenuation based on the
composition of the ejecta. The photons emerging out of
the ejecta are shown as curly orange arrows.
The dynamics of the magnetar, nebula and ejecta sys-

tem involves studying the evolution of the spin-down
luminosity of the magnetar to power the nebular emis-
sion. We mainly follow Fang & Metzger (2017) and Met-
zger & Piro (2014) to solve for the dynamics of the sys-
tem. However, we improve the previous models in vari-
ous ways including but not limited to adding relativistic
corrections, solving the CR proton transport equations
in the steady state limit, including curvature losses dur-
ing protons acceleration at the polar cap, considering
two separate acceleration sites, solving for the albedo of
the nebula-ejecta wall.

2.1. Dynamics

We now discuss the time-evolution of the thermal
(Eth), non-thermal (Enth), and magnetic energy (EB) in
the nebula. The spin down energy of the magnetar (Esd)
is distributed amongst these energies. The evolution of
these energies are given by the following equations

dEnth
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= Lsd �
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[MM: where Lsd is the spindown luminosity of
the magnetar, R is the radial distance of the
nebula-ejecta boundary from the center of the
magnetar, t

neb

di↵
and t

ej

di↵
are the photon di↵usion

timescales from the nebula to the ejecta and from
the ejecta respectively, A is the fraction of non-
thermal photons that escape from the nebula to
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Figure 1. The model of a stable millisecond magnetar
we consider in this work. We show the spinning magnetar
remnant from the BNS merger in blue along with the mag-
netic field lines. The termination shock (TS) is shown as a
thick red line which encloses the magnetar wind region. The
nebular region is shown in yellow. The outward expanding
ejecta is shown as the grey shell. We also highlight the site
of proton acceleration (dashed brown arrows) at the polar
cap and at the TS, the nebular region with e+ � e� pairs,
non-thermal, and thermal photons, relevant for neutrino and
EM emissions.

the ejecta, "B is the nebular magnetization.] The
evolution of the non-thermal, thermal, and magnetic en-
ergies depend on the spin-down luminosity of the magne-
tar (Lsd), the adiabatic expansion, and the energy trans-
fer between the nebula and ejecta by photons, and the
radiative energy loss. We evaluate the physical quanti-
ties in the rest frame of the magnetar and use X

0 for
the quantities in the fluid rest frame unless otherwise
noted. Although our formulation ignores relativistic ef-
fects in some aspects, the expanding nebula and ejecta
is at most in the mildly relativistic regime as seen below.
Thus, the relativistic correction does not severely a↵ect
our results.
The total rotational energy associated with the mag-

netar can be defined as, Erot = (1/2)I⌦2

i , where I

is the moment of inertia which we assume to be I =
(2/5)M⇤R

2

⇤, the angular velocity ⌦ = (2⇡)/P , the spin

period P = Pi

�
1+t/tsd

�1/2
, ⌦i, and Pi are the initial an-

gular velocity and spin-period respectively. We consider
the mass of the magnetarM⇤ = 2.3M� and the radius to
be R⇤ = 10 km, which implies, I = 1.83⇥ 1045 g cm�2.
The initial spin-period is assumed to be Pi = 0.003 s
(unless otherwise stated). This results in the total rota-
tional energy Erot ⇠ 4 ⇥ 1051 erg. This energy acts as
the main energy reservoir.
The rotational energy of the magnetar is injected into

the nebular region as the magnetar spins down. This

• BNS Merger may leave a magnetar as a remnant 
• Magnetar spin-down energy will be deposited to ejecta 
• Protons are loaded into the nebula —> neutrino production 
• Efficient neutrino production (10 - 100 PeV) for T > 106 s 
• Detectable by 30-yr operation with 10 km3 detectors



• Very bright X-rays & γ-rays unless B >1016 G for P < 10 ms 

• GW170817: B should be very high (> 1016 G) or lifetime of magnetar should be short
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Figure 7. X-ray light curves from a long-lived pulsar as a
merger remnant, for E = 3 keV (thick curves) and E =
30 keV (thin curves).

sitivity EFE ∼ 10−14 erg cm−2 s−1, hard X-ray emis-
sion from the embryonic nebula with B∗ = 1015 G and
Pi = 3 ms is detectable up to z ∼ 0.2 − 0.3. The de-
tection prospects are quite sensitive to the spin-down
parameters. We find that radio and sub-mm obser-
vations are more promising, which is consistent with
Murase et al. (2016), who proposed synchrotron nebu-
lar emission as a probe of the connection between fast
radio bursts and pulsar-driven supernovae, including
super-luminous supernovae. High-frequency radio emis-
sion can escape around ∼ 106 − 107 s thanks to the
small ejecta mass, the fast velocity, and the expectation
that the ejecta are largely neutral. In the case where
B∗ = 1015 G and Pi = 3 ms, the sub-mm emission
can be detected up to z ∼ 1.5 by ALMA with sensi-
tivity of ∼ 0.01 mJy. Note that the radio synchrotron
spectrum (which cannot be harder than Fν ∝ ν−0.5) is
Fν ∼ ν−0.8 − ν−0.7 in our cases (see Murase et al. 2016,
for a detailed discussion), and it declines as Fν ∝ t−2.
The long-lived pulsar model can be discriminated from
the BH disk wind model, the merger ejecta shock model,
and the GRB afterglow model, by using the spectral in-
dex and the time evolution.
Finally, we show gamma-ray light curves in Figure 9.

The gamma-ray breakout time obtained by numerical
calculations is consistent with the analytical estimate
given in Equation (6). For Pi ∼ 1 − 3 ms and B∗ ∼

1013 − 1015 G, the GeV gamma-ray flux is estimated to
be EFE ∼ 10−12 − 10−10 erg cm−2 s−1 (d/40 Mpc)−2,
which can be detected by Fermi which has sensitivity
EFE ∼ 10−11 erg cm−2 s−1 in the GeV range. TeV
emission is usually suppressed by the Klein-Nishina ef-
fect, which makes detections more challenging. But such
nebular emission can be much brighter than the for-
ward shock emission by the merger ejecta (Takami et al.
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Figure 9. Gamma-ray light curves from a long-lived pulsar
as a merger remnant, for E = 1 GeV (thick curves) and
E = 100 GeV (thin curves).

2014). More generally, we conclude that gamma-ray de-
tection of a pulsar remnant is possible when the spin-
down time is sufficiently long, in which case very bright
optical transients will also be present (cf. Figure 5).

2.3. Implications from X-Ray and Radio Observations

of GW+EM 170817

In the previous sections, we have studied non-thermal
emission expected in the post-merger phase. While our
purpose is to provide a general study rather than a spe-
cific study on GW+EM 170817, it would be interesting
to discuss the consequences for this object.
X-ray observations have been reported by vari-

ous authors (Evans et al. 2017; Margutti et al. 2017;
Troja et al. 2017). In particular, Chandra detected weak
X-ray signals with EFE ∼ 5 × 10−15 erg cm−2 s−1, 9 d
and 15 d after the GW and GRB events. The non-
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tection of a pulsar remnant is possible when the spin-
down time is sufficiently long, in which case very bright
optical transients will also be present (cf. Figure 5).

2.3. Implications from X-Ray and Radio Observations

of GW+EM 170817

In the previous sections, we have studied non-thermal
emission expected in the post-merger phase. While our
purpose is to provide a general study rather than a spe-
cific study on GW+EM 170817, it would be interesting
to discuss the consequences for this object.
X-ray observations have been reported by vari-
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• Binary neutron star mergers have been discussed as multimessenger sources, 
including GW, EM, & neutrinos. 

• Short GRB jets with late-engine activities are the most likely neutrino emission site 

• Cocoon photons might enhance neutrino production efficiency at late jets in sGRBs 
=> meaningful constraints/probable ν detection with future detectors 

• Other possible sites for ν production: choked jets & magnetar wind nebulae 
=> less promising, but still possible parameters to be detected with future detectors

Summary
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cascades. We calculate the spectrum of GeV–TeV gamma-rays
escaping from such a system, and discuss the prospects for
future detection as gamma-ray counterparts to GWs. Such an
external inverse Compton scattering (EIC) process using the
cocoon photons is discussed by Toma et al. (2009). They
considered the prompt jets with energy dissipation outside the
cocoon radius, while we focus on the prolonged jets with
energy dissipation inside the cocoon radius with a more
realistic setup.

We use the notation QX=Q/10X in cgs unit unless
otherwise noted and write Q’ for the physical quantities in
the comoving frame.

2. The Cocoon

We estimate the physical quantities of the cocoon in the
engine frame. Based on the hydrodynamic simulations of the
jet propagation in the ejecta (Hamidani et al. 2019; H.
Hamidani et al. 2019, in preparation), we set the cocoon mass
and average velocity to ~ -M M10coc

4 and b ~ 0.32coc .
These values are not so sensitive to the jet luminosity. The
kinetic energy of the cocoon is estimated to be

b b» ~ ´ - - M c M2 8.9 10k,coc coc coc
2 2 48

coc, 4 coc, 0.5
2 erg,

where ( )=-
-M M M10coc, 4 coc

4 .
The thermal energy of the cocoon is initially deposited by

the jet–ejecta interaction. Following the simulations by H.
Hamidani et al. (2019, in preparation), we set the initial thermal
energy of the cocoon to be a fifth of its kinetic energy:

» » ´  5 1.8 10kini ,coc
48 erg. For bright prompt jets of

SGRBs, the velocity of the jet head is approximated to be
βh∼1. Then, the breakout time of the prompt jet is estimated
to be ( ) b b b» -t t t0.25hbo ej lag ej lag,0 (Murguia-Berthier
et al. 2014; Matsumoto & Kimura 2018; Hamidani et al.
2019), where tlag∼1 s is the lag time between the merger and
jet launch. After the breakout, the cocoon loses its internal
energy by adiabatic expansion. We can obtain the internal
energy as ( )  b» ´ -

-  R R t2.8 10ad ini bo coc
43

coc, 0.5 dur,4
1

erg, where b» ~ ´R t c 1.5 10 cmbo bo ej
9 is the ejecta radius

when the prompt jet breaks out (βej≈ 0.2 is the ejecta velocity),
b b» ~ ´ -R t c t9.5 10coc dur coc

13
dur,4 coc, 0.5 cm is the cocoon

radius (tdur is the time after the merger). The radioactive decay
of r-process elements also heats up the cocoon. The specific
heating rate by the decay chain is expressed by a power-law
function for >t 1 s;dur ė » ´ - - -t1.6 10 erg g sra

11
dur,4

1.3 1 1

(Korobkin et al. 2012; Hotokezaka et al. 2016). The balance
between the adiabatic cooling and radioactive heating provides
the internal energy to be

˙ e» ´ -
- M t t M3.3 10ra ra coc dur

44
dur,4

0.3
coc, 4 erg. We write

down the cocoon internal energy as » +  coc ad ra. The
radioactive heating is the dominant process for tdur>300 s
with our reference parameter set.
The optical depth of the cocoon is estimated to be

( ) t k p k b» - -
- -M R M t3 4 53coc coc coc coc

2
coc,1 coc, 4 coc, 0.5

2
dur,4

2 ,
where k ~ -10 cm gcoc

2 1 is the opacity by r-process elements.
Hence, the photons inside the cocoon should be thermalized.
The temperature of the cocoon is written as

( )p» a T R3 4rad coc
4

coc coc
3 , where arad is the radiation constant.

Also, the high optical depth allows us to ignore the photon
diffusion effect when estimating the internal energy of the
cocoon. Note that the opacity and heating rate in the cocoon
may be lower because the neutrino irradiation by the remnant
neutron star reduces the amount of lanthanide elements
(Fujibayashi et al. 2018; Metzger et al. 2018).

3. Nonthermal Electrons

We consider a prolonged jet with Lorentz factor Γj,
isotropic-equivalent kinetic luminosity Lk,iso, and duration
tdur. The jet dissipates its kinetic energy at radius Rdis through
some mechanisms, such as internal shocks (Rees & Mes-
zaros 1994) or magnetic reconnections (McKinney &
Uzdensky 2012). The electron luminosity is set to be

= L Le e k,iso ,iso, leading to the comoving isotropic-equivalent
electron luminosity of ¢ » GL Le e j,iso ,iso

2. The comoving magn-
etic field energy density is given as ( )p¢ = GU L R c4B B k j,iso dis

2 2 ,

and the comoving magnetic field is p¢ = ¢B U8 B . The electron
acceleration via diffusive shock acceleration requires the shock
upstream region to be optically thin (Murase & Ioka 2013;
Kimura et al. 2018). The optical depth is estimated to be

t s» ¢ G ´ G- - -n R L R3.7 10j j T j k jdis
4

,iso,48.5 dis,13
1

,2
3, where

( )p¢ = Gn L R m c4j k j p,iso dis
2 2 3 is the comoving number density

and σT is the Thomson cross section. Hence, the electrons can
be accelerated in a jet of -L 10 erg sk,iso

51 1 and Γj100.
The lateral optical depth is estimated to be

t t q q» G ´ Gq
- - -

-L R3.7 10j j j k j j
3

,iso,48.5 dis,13
1

,2
2

, 1, where qj is
the jet opening angle. Thus, the cocoon photons can diffuse
into the internal dissipation region as long as the opening angle
is small enough.
The electron distribution in the comoving frame is given by

the transport equation that includes injection, cooling, and
adiabatic loss terms. Assuming the steady state, the transport
equation is written as

⎛
⎝⎜

⎞
⎠⎟

˙ ( )
g

g
¢

-
¢

¢
= -

¢g g
g

¢ ¢
¢d

d t
N N

N

t
, 1

e

e

cool
,inj

dyn
e e

e

where g¢e is the electron Lorentz factor, g= ¢g¢N dN d ee
is the

number spectrum, ¢tcool is the cooling time, ˙g¢N ,inje
is the injection

term, and ( )¢ = Gt R cjdyn dis is the dynamical time. A solution of
this equation is given in Equation (C.11) of Dermer & Menon
(2009), and we numerically integrate the solution. Note that the
cooling timescale depends on the photon density that is
affected by the electron distribution. We iteratively calculate
the electron distribution until the solution converges (see
Murase et al. 2011).

Figure 1. Schematic picture of our model. The prolonged jet dissipates its
kinetic energy within the cocoon radius. The cocoon supplies soft photons to
the dissipation region, leading to GeV–TeV gamma-ray production through the
EIC process. Higher-energy gamma-rays are attenuated and reprocessed to
lower energies by the cocoon photons before escaping from the system.
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Table 1. fiducial parameters

Parameters � tdur tlate LX,iso rdiss "�,pk
(s) (s) (erg/s) (cm) (keV)

Extended emission 200 300 300 1.2⇥ 1048 1012 10

X-ray flare 100 650 1300 1.0⇥ 1048 1013 0.3

Shared ↵ � pinj ✓j f� ⇠p ⇠B "X,min, "X,max dL

(keV) (Mpc)

�0.5 �2 2 0.1 0.03 10 0.33 0.3 , 10 (XRT) 1000

Figure 1. The cooling and acceleration rate for fiducial parameter of XF (left) and EE (right). Red solid line is acceleration
rate, blue thick (thin) solid line is t0�1

p�,coc (t0�1

p�,int), green dashed (dotted-dashed) line is t0�1

BH,coc (t0�1

BH,int), orange dotted-dashed

line is t0�1

ad
, and brawn dotted line is t0�1

syn .

Figure 2. The neutrino fluence for fiducial parameter of XF (left) and EE (right). Blue thick solid is for the fiducial parameters,
blue thin dashed line is the fluence without cocoon photons, and orange thin solid line is the fluence of non black body case
shown in Appendix A.


